.12..155A

19811 CRC. .

- 155 -

ACCELERATION OF COSMIC RAYS BY SHOCK WAVES

W.I. Axford
Max-Planck~Institut fiir Aeronomie
D-3411 Katlenburg-Lindau 3
Germany

1. Introduction

The problem of the origin of galactic cosmic rays is a particularly
difficult one despite the fact that rather detailed measurements of the
properties of cosmic rays can be made, at least in the vicinity of the
Sun. The current situation has been well reviewed by Lingenfelter (1)
who points out that there are several linked problems to be solved,
namely the question of sources and acceleration mechanisms, propagation
within the galaxy, escape from the galaxy and of course solar modulation
which affects the interpretation of the observations, especially below
" 1 GeV/nuc. It is usually supposed that these problems can be treated
separately, so that the sources (perhaps supernovae, pulsars, black
holes, flare stars, etc.) simply provide cosmic rays with given elemen-
tal and isotopic abundances and given spectra, which then propagate in-
dependently by diffusion through the interstellar medium, producing se-
condaries and perhaps losing energy as they do so until they eventually
leave the galaxy by some means, which is usually described in terms of
a "free escape'" boundary condition to the diffusion equations.

In recent years there has been renewed interest in the possibility
that the acceleration of cosmic rays should occur, not in discrete
sources, but in the diffuse interstellar medium, as a consequence of
shock waves associated with supernova remnants (2-5). Since the super-
nova remnants concerned are rather large and indeed tend to dominate
the whole interstellar medium (6) it is becoming clear that the pro-
blems of acceleration and propagation of cosmic rays cannot be so easily
separated. A further difficulty is concerned with the escape of cosmic
rays from the galaxy which may be associated with a galactic wind (7-9)
which is partly driven by cosmic ray pressure and therefore not an inde-
pendent process. These complexities give added interest and significance
to the role of cosmic rays in the dynamics of the interstellar medium
but of course also make the traditional problems of cosmic ray physics
much more difficult to treat.

We will attempt here to review the current status of investigations
into various aspects of the problem of shock acceleration of cosmic rays.
Due to space limitations and the uneven nature of our progress, not
every aspect can be treated in detail and many of the problems as-
sociated with non-linear effects (section 10) are left to a later review.
The reader is referred to other review articles for further information
(10-14) and also to related work on the acceleration of particles at the
Earth's bow shock (15 and references therein).

The idea that collision-free shocks exist was first put forward by
Gold in 1953 as an explanation for the short duration of the sudden
commencements of geomagnetic storms (16). Disucssions of the processes

© IUPAP ¢ Provided by the NASA Astrophysics Data System



.12..155A

19811 CRC. .

- 156 -

by which such shocks can accelerate energetic particles have until re-
cently been rather fragmentary with numerous authors proceeding along
roughly the same paths quite independently of each other.

The first observations of such an effect occurring in interplane-
tary space was made in 1959 by Dorman et al. (17-19) who noted that
small (v 1Z) increases of cosmic ray intensity sometimes occur before
the sudden commencement of a geomagnetic storm which is usually followed
by a much larger (v 10Z) "Forbush" decrease of intensity. Large (v 100%)
enhancements of solar energetic particle fluxes prior to geomagnetic
storm sudden commencements were discovered by Reid and Axford (20,21) in
1962, using high latitude riometer observations. Spacecraft observations
of such "pre-SC energetic particle enhancements' were reported by Bryant
et al. (22) in 1962, Since that time very detailed observations have
become available of intensity increases associated with solar flare
shock waves (23-25), corotating interaction regions (26-28) and the mag-
netospheric bow shocks of the Earth (15,29-31) and Jupiter (32,33). Two
classes of event can be distinguished, namely (a) smooth, quasi-exponen-
tial increases occurring in front of a shock wave, lasting many hours in
the case of interplanetary shocks, and (b) short-lived intensity bursts
("shock spikes") lasting typically tens of minutes and exhibiting rather
high field-aligned anisotropies (34-36). In addition, there is clear
evidence for strong non-thermal heating of the shocked plasma (37,38)
and for escaping particle beams upstream from shocks which may represent
jons and electrons which have been directly accelerated from the plasma
itself (15,39,40). It is an advantage of the shock acceleration theory
for cosmic rays that, in contrast to many other theories, the mechanisms
involved can be observed directly and in great detail in interplametary
space.

The first attempts to deal with theoretical aspects of shock acce-
leration were made by Dorman and Freidman (41) and Shabansky (42) on
the one hand, Parker (43), Wentzel (44,45) and Hudson (46) on the other,
all considering scatter-free acceleration as reviewed in section 4.
Hoyle (47) used the Rankine-Hugoniot conditions for a shock, including
the cosmic ray pressure and enthalpy and assuming that the background
gas behaves isotropically to obtain a very interesting result which is
a special case of the non-linear theory reviewed in section 10. The sig-
nificance of scattering in the medium on either side of the shock was
noted independently by several authors, in particular Schatzman (48),
Jokipii and Davis (49,50) and Van Allen and Ness (51). Little progress
could be made in this direction, however, until suitable transport equa-
tions became available and the transition conditions for the cosmic ray
distribution function at the shock were understood (52-56). Numerous
solutions of these equations with the appropriate tramsition conditions
(56,11) were obtained by Fisk (57-59) but with the assumption that the
energetic particle spectrum has a specific power law form and overlook-
ing a particular solution of the equations. A numerical solution of the
transport equations simulating a solar flare event with a propagating in-
terplanetary shock wave was given by Morfill and Scholer, taking into ac-
count shock reflection and second order Fermi acceleration (59). Inde-
pendently, and more or less simultaneously, Krimsky (2), Axford, Leer
and Skadron (3), Bell (4) and Blandford and Ostriker (5) found the so-
lution of the steady, one-dimensional problem (see section 5) and noted
its obvious applications to the cosmic ray acceleration problem, es-
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pecially in terms of the efficiency of the process, the possibility of
achieving power law spectra and the prevalence of shock waves in the in-
terstellar medium,

A summary of the observed properties of galactic cosmic rays and
the inferences which can be drawn from them is given in section 2. It
should be remembered that some of these inferences are based on the most
simple-minded view of cosmic ray propagation in the galaxy, ignoring the
complications mentioned above, and hence may eventually have to be re-
vised. Furthermore, the observations are not always entirely consistent
with each other and it has been necessary to choose particular values
for various parameters which may also require revision. These remarks
also apply to section 3 where we review the basic properties of the in-
terstellar medium with the aim of providing representative values of
various important parameters as a basis for subsequent discussion. It is
already emphasized at this stage that cosmic rays must play an important
role in the dynamics of the interstellar medium since, if the medium is
sufficiently strongly coupled to the cosmic rays to account for their
acceleration, then the reverse must be true and the cosmic rays there-
fore affect the dynamics of the medium itself. This has important im-
plications for the behaviour of supernova remnants, the nature of super-
sonic turbulence in the interstellar medium and for the formation of a
galactic wind.

The basic elements of scatter-free acceleration of energetic par-
ticles by shock waves are outlined in section 4. We emphasize that al-
though some interesting and significant phenomena can result from simple
reflection and transmission of particles at shock waves without additio-
nal scattering, this does not provide a satisfactory basis for an expla-
nation of galactic cosmic ray acceleration. The essential features of
the more important mechanism in which scattering is included are out-
lined in section 5. It is shown that for a steady, plane shock with
given scattering properties upstream and downstream (i.e. given cosmic
ray diffusion coefficients) cosmic rays are efficiently and irreversibly
accelerated in such a manner that power law energy/momentum spectra are
a natural consequence, The important modifications associated with time
dependence and losses due to interaction with the background medium are
described in section 6 and the effects of non-planar geometry in section
7. These additional effects, which at some stage must be considered in
any attempt to model the real situation, lead in general to spectra
which are not power-law in form.

The possibility that galactic cosmic rays are accelerated by super-
nova shocks is discussed in section 8. It is evident that there are
many attractive and plausible features of such a scheme. However, there
are some conceptual difficulties notably with regard to the role played
by cosmic rays in the dynamics of the supernova remnants and the means
by which the cosmic rays and the remnants eventually merge with the in-
terstellar medium and flow into the galactic halo from which they even-
tually escape. Nevertheless, with some reasonable but perhaps not total-
ly justifiable assumptions, Blandford and Ostriker (60,61) have been
able to construct a model which accounts for the observed spectra of
cosmic ray primaries rather well. It should be noted however, that this
is again based on the assumption that the cosmic rays do not affect the
dynamics of the interstellar medium so that the model goes only one step
beyond the familiar "leaky box" approach by including a consistent
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source mechanism.,

One of the difficulties encountered by the shock acceleration
theory is that it requires that there be sufficient scattering in the
interstellar medium by magnetic field irregularities for the accelera-
tion to be efficient ug to energies exceeding certainly 103 GeV/nuc and
hopefully up to 10°-10° GeV/nuc where there is some evidence that
changes in the spectrum occur (62-64) and the anisotropy begins to in-
crease (65,66). This problem, which has been emphasized in particular by
Ginzburg and Ptuskin (67) and Cesarsky and Lagage (68) and is discussed
in section 9, leads one rather quickly to conclude that a completely
non-linear treatment is necessary. This must take into account the gene-
ration, amplification and damping of hydromagnetic waves in a medium
with strong supersonic turbulence and streaming cosmic ray fluxes (4,69-
73). A brief outline of the present state of this aspect of the shock
problem is given in section 10,

2. Galactic Cosmic Rays

The differential sgectrum of primary galactic cosmic ray protons
has the form j(T) « T M!, y; ~ 2,65, in the kinetic energy range 10 < T
5_106 GeV (Figure 1). At lower energies (1 < T < 10 GeV) the spectrum is
somewhat flatter and is noticeably affected by solar modulation. The
spectrum becomes slightly steeper in the region above 100 GeV and there
are possibly further changes of slope at higher energies (62-64). The
break in the spectrum at v 106 Gev, together with the observation that
the anisotropy increases from very low values (10-2-10~1%) to high
values (1-100Z) in the range 106-1012 gev suggests that extragalactic
particles become progressively more prominent at higher energies (65,66).
We know essentially nothing about the spectrum at energies T << 1 GeV
due to the overwhelming effects of solar modulation, although it is
often assumed for convenience (but without real justification) that it
has the form of a power law in total energy, namely (T + To)-ul, where
T, is the rest mass energy (see Figure 2).

The spectra of other primary species appear to be roughly the same
as that of protons when expressed in terms of energy per nucleon (64,75,
76) , but again nothing can be said about the forms of the unmodulated
spectra at low energies. The relative abundances of the primaries corres-
pond approximately to the solar and local galactic abundances deduced by
Cameron and others as far as the heavier elements are concerned (77).
However, the lighter elements appear to be less efficiently accelerated
so that H, He and C, N, O, for example, are suppressed by factors of
order 30, 20 and 2-5, respectively, with respect to the relative abun-
dances of Si, Ca, Fe, etc. (78-81). There is also a tendency for the
neutron-rich isotopes of Ne, Mg, etc. to be somewhat overabundant in the
cosmic radiation in comparison with solar system abundances (80,82)
which may well reflect a genuine difference between the compositions of
the Sun (representing the interstellar medium v 4x109 years ago) and the
cosmic ray source material (possibly representing the interstellar me-
dium during the past 107~8 years) (83,84). It is interesting and pos-
sibly significant that the relative abundances of elements in the
galactic cosmic ray source are rather similar to those of solar ener-
getic particles (80,85).

If we relate the differential number density U;j(T) of a species i
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Fig. 1. (a) Differential energy/nucleon spectra of protons and alpha-par-
ticles for various phases of the solar cycle (compiled by Webber (215)).
(b) Satellite measurements of the integral energy/nucleon spectra of pro-
tons and alpha-particles (Grigorov et al. (216, 217)).

(c) Integral total energy spectra obtained by a variety of techniques in
the range 101221020 ey (62).
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Fig. 2. Model calculations of the modulated spectra of galactic cosmic

ray protons observed at the Earth, corresponding to three different as-
sumed forms of the unmodulated spectrum (74). The modulation parameter
is ¢ = 0.140 GV, Note the insensitivity of the unmodulated spectrum be-
low v 200 MeV to the form of the modulated spectrum, indicating the dif-
ficulty in interpreting observations in this range and of determining
the unmodulated spectrum at low energies.
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to its differential intensity by means of jj(T) = vU;(T)/4m where v is
the particle speed corresponding to a kinetic energy per nucleon of T,
then the total (internal) energy density and pressure of the cosmic
radiation, W, and p; respectively, can be expressed as

* 1
wo=3 J AT Ui(T)dT » P = E J: 7O AT Ui(T)dT (2.1)

Cc 3
10

where A; is the atomic mass of the species iand o = (T + 2To)/(T + Ty).
From observations made at solar minimum and with a v 1, it is deduced
that W, v 1.6x10"12erg/cm® and p, v 0.6x10-12dyn/cm? (86). These esti-
mates may well be too low by a small factor as result of a neglect of
residual modulation at solar minimum and the possible existence of sub-
stantial undetected fluxes in the range T § 1 GeV/nucleon (see F1gure 2)
The total energy density (enthalpy) of the observed cosmic rays is H;

We + pc v 2.2x10"12erg/cud.

The cosmic ray electrons are evidently primary particles but have a
somewhat softer spectrum than that of protons, presumably as a result of
inverse Compton and synchrotron losses. The bending of the measured
electron spectrum at high energies is consistent with an age of the
order of 2x107 years (87-90). Assuming diffusive propagation, it can be
shown that the cosmic ray electrons we observe directly must originate
within v 1 kpc of the Sun (89). At a given kinetic energy the electron
flux is &~ 100 times smaller than that of protons (90), but the integral
fluxes may not differ so much if it should be the case that there are
many more electrons in the range below 1 GeV.

Secondary particles produced by nuclear interactions with the inter-
stellar medium usually have a d1fferent1a1 spectrum of the form j(T) «

T M2 45 A 3, in the range 3 £ T £ 102 GeV/nucleon (76,91-93). Since the
secondary production spectrum should be approximately the same as that
of the primaries, the difference between the spectral indices py and u»
suggests that the residence time in the galaxy (T) depends on energy,
with the more energetic particles escaping more easily:

T = TO(T/T1)-0'35 , T> T1 ~n 3 GeV/nuc (2.2)

where Ty is the residence time for T = Ty (94,95)., The fact that pz > uy
is significant in that it implies that cosmic rays cannot be the result
of a general and continuous acceleration process operating thoughout the
interstellar medium since this would produce a secondary spectrum flat-
ter than that of the primaries, i.e. p2 < pp (96-99). Furthermore, it
suggests that the primary source spectrum has the form j(T) ~v T2.3 for
10 < T < 106 gev.

The observed fluxes of secondaries indicate that for primaries with
T < Ty, vt v 7 v/e gn/cm?, where p is the mean density of the inter-
stellar medium in the volume occupied by cosmic rays while they are re-
tained by the galaxy (94,95,100-102). Measurements of the flux of the
radioactive isotope Bel0 suggest that p is equivalent to ™ 0.22 H atom/
cm3 and To v 2x10/ years (103-105). Since the mean den51ty of matter
within + 100 pc of the central plane of the galaxy is v 0.4 H atom/cm3
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(106), the cosmic ray storage volume in the above-mentioned sense must
have a half thickness of v 200 pc and a total volume V, v 8x1066 cm3
(assuming a disc of 15 kpc radius). The mean power of %he cosmic ray
source must therefore be Vg(Wc+Pc)/To n 4x104 erg/sec. It should be
noted that these conclusions are based on the assumption that no signi-
ficant post—acceleration of secondary particles occurs; this would have
the effect of reducing the primary path length,.

It is evident from the inhomogeneous distributions of the non-
thermal radio emission associated with cosmic ray electrons (107) and
the diffuse gamma-ray emission due to interactions of cosmic ray nuclei
with the interstellar medium (108), that the distribution of cosmic rays
in the galaxy is not uniform., This has implications for the cosmic ray
sources since they should presumably be in some way associated with the
regions in which the cosmic ray intensity is higher than average. Ac-
cordingly supernova remnants and the vicinities of OB associations are
possible source candidates, There is evidence also that the cosmic ray
intensity is noticeably higher towards the centre of the galaxy (109,
110). This may indicate that a peculiar source exists at the centre, or
that there is a higher concentration of more normal sources, or simply
that conditions are such that a higher cosmic ray pressure can be main-
tained in this region (109,111). It seems unlikely, however, that the
bulk of the cosmic rays we observe can come from such a distant source
since the electrons we observe directly probably originate from within
" 1 kpe of the Sun and there are no strong reasons for believing that
the nuclear component behaves differently.

A consequence of the inhomogeneity of the distribution of cosmic
rays is that as a result of the peculiar motions of the Sun and the
sources and the time variations of the latter, the Sun must at times
find itself in regions of higher than average cosmic ray intensity. The
fact that the observed intensity does not seem to have fluctuated by
more than + 307 during the past 105-106 years and has remained roughly
constant (to within a factor ~ 2) over the last 108 years therefore
places constraints on the sizes and number of the source regions (112,
113).

On the basis of the above considerations it appears that only
supernovae and their remnants can provide enough power to account for
the galactic cosmic rays (86,12), The overall efficiency of the accele-
ration process is of the order of 10Z but since energy exchange is not a
one-way process (i.e., cosmic rays can perform work on the medium in
which they find themselves) the acceleration mechanism(s) must be capa-
ble of working at close to 100Z efficiency at least temporarily. More-
over, we must rely on sources existing within v 1kpc of the Sun to pro-
vide the local cosmic rays and the main acceleration must occur within
a relatively small fraction (<< 10%) of space in order to leave the
spectra of secondaries largely unaffected and to avoid a high probabi-
lity for the observation of large temporal variations at the Sun. The
observed small anisotropy for T & 106 Gev suggests that many sources
may be involved and/or that there is a considerable amount of scattering
of cosmic rays in the interstellar medium.

In order to achieve a single power law in 10 < T 5_106 GeV, it
seems that a dominant acceleration process must exist. Since the source
composition is rather normal apart from the suppression of lighter ele-
ments such as H, He, CNO, etc., relative to Si, Fe, etc., it is neces-
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sary that the particles accelerated should be extracted from a plasma

of normal composition, having in particular no significant dust compo-
nent which would tend to reduce the supply of non-volatile elements.
Finally, the acceleration must be relatively prompt in the sense that it
takes particles from thermal (plasma) to cosmic ray energies in a time
which is short compared with T and with the minimum time scale of any
loss mechanism that can occur at intermediate energies, Otherwise the
abundance distribution would be distorted in favour of H, He, etc. rela-
tive to Si, Fe, etc. in disagreement with the observations (114).

From many points of view it appears that shock acceleration in the
hot component of the interstellar medium should be considered a pro-
mising source for galactic cosmic rays because (a) the mechanism is
efficient, (b) supernova shocks can provide the necessary power, (c) the
hot interstellar medium combines normal composition with sufficiently
low densities to minimize any effects of energy losses, (d) power law
energy spectra can be achieved under suitable circumstances, and (e) the
shock waves which determine the spectrum occupy only a small fraction
(<< 10Z) of interstellar space.

3. The Interstellar Medium

It is sufficient for our purposes here to assume a rather simple
model for the interstellar medium and its extension into the galactic
halo. We assume that the interstellar medium can be divided into three
phases: hot, intermediate and cold, of which the hot component occupies
most of space and the cold component contains most of the mass (6,115).

The hot interstellar medium (HISM) is the result of supernova ex-
plosions and stellar winds and may be regarded as being in a state of
supersonic turbulence (116), It should contain little dust, so that it
is a plasma of essentially "normal" composition which is suitable as a
source region for galactic cosmic rays. For the purposes of further dis-
cussion we assume representative values of the number density (n), tem-
perature (Tg) and magnetic field (B) to be n = 3x1073 cm3, Tg = 7x105 K
and B < 1-3 pGauss. The HISM occupies most of the cosmic ray contain-
ment volume V, and hence involves a mass of the order of 2x107 Mg.

The cold component has densities greater than 1/cm3, temperatures
less than 104 K and magnetic field strengths of the order of 3 pGauss.
The gas contains much dust and hence does not have normal composition,
being deficient in non-volatile elements in particular. The volume of
space occupied by the cold component does not exceed 0.2 Vg and is pro-
bably substantially smaller. The total mass of the cold component is of
the order of 2x109 Mg.

It is difficult to estimate the amount of material involved in
the intermediate phase which comprises the denser HII regions as well
as the transition zones between the hot and cold components where energy
transfer by heat conduction and radiation plays a role. The importance
of this component in controlling the dynamics of the HISM depends some-
what critically on whether heat conduction is impeded by magnetic fields
and microscopic plasma instabilities (117,118).

The supernova rate in the outer parts of the galaxy near the Sun
has been estimated to be of the order of 1/10-1/30 per year (119). As-
suming that each explosion involves the release of 10°1 ergs, the
average supernova power is v 1042-3x1042 erg/sec which is sufficient to
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account for the cosmic ray source power requirement, Other possibly sig-
nificant sources, which like supernovae tend to be associated with yguns
hot stars, are stellar winds (X 10%! erg/sec) and HII regions (X 10 0
erg/sec) (12,120). The mass injection rate from supernovae and stellar
winds is v 2Mg/year, most of which is likely to go directly into the
HISM. In any case, the turn-over time for the interstellar medium ap-
pears to be at most of the order of 109 years, which is less than the
age of the solar system and therefore allows some change in average com-—
position to occur. It is conceivable that the turnover time for the HISM
could be much smaller (v 107 years) if the gas is injected directly from
supernovae and stellar winds and leaves the galaxy in the form of a
galactic wind.

The pressures and internal energies associated with the plasma,
cosmic rays and magnetic fields in the HISM are as follows:

-12 -12

pg v 1.1x107 %, p v 0.6x107'%, py o 0.04-0.4x10" 12 dyn/cm? ;

Wg = 1.6x10-12, Wc = 1.8x10-12, WM = 0.04.—0.4::10_12 ergs/cm3.

The speed of sound (cg) in the HISM, which is the minimum shock speed,
is estimated as follows:

2 _ 2 _ 2,2 2
c, = ng/p + chc/p + B“/4mp cg te tec, , (3.1)
c ~ 165 e, v 110 , cy v 35-110 , cg v 200-230 km/sec.

Here Y = 5/3 and v, = 1 + 0/3 are the specific heat ratios for the
plasma and cosmic ray gas, respectively.

Note that the B of the plasma is large, especially if the contri-
bution of cosmic rays is included: By = pg/py v 3-30; B = (pe + Eg)/pM n
4-40, The total energy density in the HISﬁ is H = Zp+ZW v 6x10~1 erg/c 3.
Hence the total energy per unit mass is 1019ergs/gm, corresponding to a
speed of ~ 450 km/sec, which exceeds the speed of galactic rotation (v,
n 250 km/sec) and the escape speed (vgge v 340 km/sec) at the Sun's lo-
cation (v 8 kpc from the centre of the galaxy). It is clear then that
the HISM does not have to partake in Keplerian motion around the galaxy
as do the stars and cold component of the interstellar medium., Further-
more, unless held back in some manner, it will flow away from the disc
of the galaxy forming a galactic wind (7,8).

Assuming that the lower energy cosmic rays and plasma move together,
an upper limit to the mass flux involved in the galactic wind can be
estimated from the total mass of the HISM and the residence time for
cosmic rays, namely 2Mg/year. This is an acceptable level of mass loss
for the galaxy and implies an outflow speed V, Vv 15 km/sec at the outer
edge of the cosmic ray containment volume. An indication of the expected
nature of the galactic wind is given in Figure 3. Note that the halo is
likely to be roughly spherical since the scale height of the medium, in-
cluding the cosmic rays, is of the order of 10 kpc. The halo, as well as
the whole cosmic ray containment volume, should be maintained in a state
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Fig. 3. Possible configuration of the galactic wind and its interaction

with the local cluster medium. The numbers shown are mere guesses inten-
ded to give some idea of what might be expected. Since the plasma density
decreases rapidly away from the galaxy (first exponentially and further
out as the inverse square of the distance), supernova shock waves should
become stronger as they propagate through the halo and out into the ga-
lactic wind region. Particle acceleration can occur at such shock waves
and also at the terminal shock. Extragalactic cosmic rays should be mo-
dulated at low energies in a manner similar to the solar modulation of
galactic cosmic rays.
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Vi Vi
V, tan O, V; tan ©, V;tan 9,
{a) Plasma: S=S' (b) Incident particle: {c) Reflected particle: S'=S
S-S’

Fig. 4. Above: The flow configuration in the shock frame S (the upstream

plasma flow is normal to the shock plane) and in the frame S' in which

the electric field vanishes (the plasma flow is parallel to the magnetic
field everywhere).

Below: (a) the transformation of the plasma flow S + S';

(b) the transformation of the velocity of an incident particle with velo-
city vi in S, to v} in §';

(c) the transformation of the velocity of a reflected particle, v, in S'
to vy in S. Note that v, >> vj.
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of strong supersonic turbulence by interacting supernova shock waves. In
particular, shock waves which run out into the halo should tend to speed
up and strengthen so that the gas must be continually heated in a manner
similar to that envisaged in early theories for the heating of the solar
corona (121).
If it is assumed that the escape of cosmic rays from the contain-

ment volume is diffusive it is possible to estimate a value for the dif-
fusion coefficient normal to the plane of the galaxy as:

K, = L2/3T n 2x1026(T/T1)0'35cm2/sec . (3.2)

where L v 200 parsecs is the distance to the escape boundary. The cor-
responding mean free path is A, v 0.06(T/T1)0-35pc which is larger than
the gyroradius Ig v 10'5(T/T°) pc, provided T { 10° GeV. Large-scale
convection by the galactic wind in the containment volume could have im-
portant effects at low emergies since V,L/k, v 3 for T = Ty, if V, =

10 km/sec.

4, Scatter—free Shock Acceleration

In a perpendicular shock (i.e. propagating perpendicular to the
magnetic field) it has been shown that, if scattering can be neglected,
particles interacting with the shock conserve their magnetic moments
(122-126,11) . Thus,

2 2
/B, = p°, /B (4.1)
P /P17 P al%

vhere subscripts 1/2 refer to upstream/downstream conditions respec-
tively and p is the particle momentum. Subsequent expansion of the
medium back to the original magnetic field strength will return the par-
ticle energy to its original value unless pitch angle scattering occurs
during the intermediate phase. We cannot rely only on this mechanism to
account for the acceleration of galactic cosmic rays, however it de-
monstrates that shocks have an important effect on the existing cosmic
rays which cannot avoid having their energy density enhanced by " 4 and
(for electrons) their synchrotron volume emissivity enhanced by a factor
"~ 100 for strong shocks.

Oblique shocks are more interesting in that incident particles can
be reflected back upstream with a considerable increase of emergy in
favourable circumstances (43-46,11,14,123,127-132). In order to under-
stand this mechanism it is advisable to make a transformation from the
"shock frame" (S) in which the shock is stationary and the incident flow
normal to it, to the frame (S') in which the ambient electric field
vanishes (Figure 4). The transformation involves a velocity change
(- V4tan61,0,0) which makes the bulk flow velocity parallel to the mag-
netic field on both sides of the shock. In the simplest situation where
magnetic reflection occurs, the particle energy is conserved in S' and
it can be shown that for 04 sufficiently large, the particle magnetic
moment is also approximately conserved (12,14,130). Using primes to de-
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note quantities in S', the condition for reflection is T,' > (By/B2)T'
(i.e. the particle must have a sufficiently large pitch angle in S'). On
transforming back to S, it is found that for reflected particles:

AT = 2mvy V

ref sine1 tane1 | (4.2)

1

and T,2 = (B2/Bq) T,; for non-relativistic transmitted particles. If the
incident particle is relativistic, AT/T v 2(V4/c)sinf tanf, which can be
large if 61 + m/2. For low energy particles AT/T can exceed unity but

the effect is not interesting unless the initial particle energy is al-
ready of order (mV%tan261/2). Thus, for example, an incident particle
having a guiding centre moving with the upstream medium cannot be re-
flected unles its initial energy exceeds 1/2 mV%(B2+B1tan261)/(B2-B1),
which is already large if tan291 is large enough for the energy change

on reflection to be substantial (AT = 2mV1tan261).

This mechanism cannot be a basis for the acceleration of galactic
cosmic rays (133) since it depends on the prior existence of a '"seed"
population which is more enmergetic than the background plasma and there-
fore subject to severe energy losses between shock encounters which
would suppress the heavier particles, contrary to observation (114).
Nevertheless, the mechanism exists and must be taken into account, for
example in consideration of the shock transition conditions in analyses
based on cosmic ray transport equations in scattering media (see sec-
tion 5). Furthermore, in interplanetary space where suprathermal '"seed"
particles are quite prevalent, the mechanism can produce the "shock
spike" phenomenon as a result of slow variations of the magnetic field
direction which temporarily make 64 - /2.

A variant on the mechanism has been proposed by Sonnerup (134) who
suggests that reflection processes other than magnetostatic may be ef-
fective and that as a consequence a small fraction of the incident
thermal plasma might be reflected and accelerated. Without specifying
the reflection mechanism, it is easily shown that the energy of reflec-
ted ions would be mV%(1+4tan291)/2 if the incident Mach number is large
and magnetic moments are conserved. Observations indicate that this pro-
cess may be operating on solar wind particles at the Earth's bow shock
(135) which suggests that it might be able to provide an injection
mechanism for galactic cosmic rays in supernova shocks. It is of course
necessary to be sure that the effect is different from magnetostatic re-
flection of suprathermal particles and/or leakage of shock-heated ions
upstream, both of which would produce beams with energies « tan291 as a
result of the velocity "filter" arising from the interaction of the
solar wind with a finite shock.

It is interesting to speculate on possible reflection mechanisms
other than the simple magnetotstatic one usually assumed. One possibi-
lity is an electric field normal to the shock surface which tends to re-
flect ions and holds electrons behind the shock. A simple analysis shows
that for a cold (high Mach number) incident plasma, such an electric
field would have to have a potential drop of at least mV%/Ze (v 1 kVin
the solar wind) to have a significant effect, whereas one would expect
potential drops of about kT./e (v 30-50 volts) if the shock is not per-
pendicular, so that the effect would be of secondary importance at best.
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A second possibility is reflection from the magnetic field "overshoot"
that occurs at the front of quasi-perpendicular shocks, where By may be
locally a factor v 2 greater than predicted by the Ranklne-Hugonlot con-
ditions (136); however, for a high Mach number incident plasma the mag-
netostatic reflection requirement is difficult to sat1sfy so that even
with the assistance of an electric potential drop it seems unlikely that
this could explain the observations., A third possibility is reflection
by strong turbulence which could scatter the partlcles back upstream,
This cannot be Alfvén wave turbulence, however, since in the frame S',
Alfvén waves are convected away from the shock at a speed exceeding
Vitan6; and for tan®; >> 1 the reflection would involve an energy loss
which is barely compensated in transforming back to the shock frame. To
be effective, the waves must be stationary or even move towards the
shock in S'; large amplitude whistlers, which are prevalent in oblique
shocks, could satisfy this requirement although it is not immediately
clear whether they could efficiently scatter ioms.

5. Acceleration by Shocks in Scattering Media

In contrast to the scatter-free mechanism described in section 4,
in which particles make a single interaction with the shock before being
reflected or transmitted downstream, the presence of scattering permits
multiple interactions to occur and hence leads to much more efficient
acceleration. It is possible (4,137-140) to deduce the simplest result
for acceleration by a plane steady shock by random walk arguments as
discussed by Chandrasekhar (141), but in general it is best to use trans-
port equations which describe the behaviour of the particle distribution
in terms of convection and diffusion in the scattering medium, including
energy changes due to various causes, In terms of the differential cur-
rent S(x,T)dT and number density U(x,T)dT in (T, T+dT), the one—dimen-
sional forms of these equations are (56):

2
1) as__1 )
5 5 Vonsr (aTU) +Q , (5.1)
_ 2u _1a kL)
S =CVU - K T V(U 3 3T (aTU)) - K 5 (5.2)

which can be combined to yield a Fokker-Planck equation for U (52-56):

"’_U+g_x(vu)- (k

BU) 1 9V 3
ot

o~ T 3% 3T (aTU) + Q . (5.3)

Here V(x) is the speed of the scattering medium, Q represents particle
sources and sinks and non—-adiabatic energy changes, k(x,T) is a diffu-
sion coefficient related to the spectrum of magnetic irregularities in
the medium (142) and C is the Compton-Getting coefficient (143, 144)
der1v1ng these equations, which are correct to a factor (1 + O(V/v) )
it is assumed that the distribution function is nearly isotropic (S <<
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vU/3), the Compton-Getting transformation is linear and particle inertia
effects are negligible (3S/3t << v2S/3k). In terms of U, S the differen-
tial intensity is j = vU/4m and the anisotropy is & = 3S/vU,

Consider the situation in which a shock wave is situated at x = 0
facing in the negative x~-direction so that V = V{ in x < 0, V = V3 in
x > 0 with Vq > V5. We assume that U »> Uq(T) as x + ~°, U remains finite
as x > © (U > Uz(T)) and there is a source Q = Qu(T)S8(x) corresponding
to particle injection at the shock, It is easily shown that if the above
transport equations remain valid throughout, the transition conditions
appropriate to a sudden change in V(x), k(x,T) etc,, are:

g =0, , S1 +Q =8, , (5.4)

where the subscripts refer to conditions upstream and downstream of the
transition respectively (56,11). [1f the diffusion coefficient is aniso-
tropic and the shock oblique, the condition on the current is Spq + Q, =
Snz.] In fact, the transport equations are not valid on such a small
scale (transition thickness << mean free path) but a more detailed treat-
ment shows that the conditions (5.4) are correct provided the distribu-
tion function does not become very anisotropic at the shock (11,145).
For low energy particles, shock reflection as described in section 4 may
introduce a correction (1 + 0(V/v)) to these conditions which would not
invalidate the use of the transport equations elsewhere (145).

Provided Igdx'/K(x‘,T) + 0 as x + —», the solution of equations
(5.1), (5.2) in this situation is

x
U(x,T) U1(T) + {UZ(T) - U1(T)} exp I {V1/K(x',T)}dx' s X<0,
o

U, , x>0, (5.5)

where U5(T) is determined from the condition on S(T) at x = O:

1 0 =
T (v1-v2) ﬁ (ovruz) + V0, =V.U, +Q . (5.6)

This equation can be integrated to yield

A2
aTu(D{T(T + 21)} © =
(T A, /2
1 1 ] 1 ]
(VI}‘O/VZ) L{T (T .+2T°)} {U1(T )+Q°(T )/V1}dT , (5.7)

vhere Ay = 3Vy/(V4=Vy) (2-5). In particular if either U{(T) or Qo(T)/V,
have the form o4T{U;6(T-T¢), then
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Fig. 5. (a) Spectral index (A+1) as a function of compression ratio

(R = V{/V3) and upstream Mach number (M{) for a plane steady shock with
monoenergetic injection (equation 5.9). The shocks responsible for the
primary production spectrum correspond to the points labelled p and those
which first affect the secondary spectrum to the points labelled s.

(b) Cosmic ray pressure ratio across a plane, steady shock (Pc2/pcq) as

a function of compression ratio for Yy, = 5/3, 4/3 from equation (5.11)
(solid lines). The pressure ratio obtained from adiabatic compression
with the same compression ratio is substantially less (dashed lines) ex-
cept for weak shocks.

© IUPAP ¢ Provided by the NASA Astrophysics Data System



.12..155A

19811 CRC. .

- 172 -

A /2
oTU,(T) = (VA /Vy)a T,U{T (T.+2T )/T(T+2T } ® , T>7T, .(5.8)

Alternatively, if we treat o = o as constant, the equivalent solution is

= -(A+1)
U,(T) = (V,A/V,) U, (T/T,) » T2T , (5.9)

where A = Aofa. Thus the shock converts a monoenergetic distribution in-
to a power law distribution above the initial energy, with a spectral in-
dex depending on the compression ratio R = V{/Vy = 4M%/(3+M2) where M
is the shock Mach number (Y = 5/3) (see Figure 5a). For strong shocks,
M{ > ®, R > 4 and hence Ay > 1 and (A+1) + 3/2, for non-relativistic and
+ 2 for relativistic particles, respectively, The pre-shock density in-
crease is exponential (if Kk remains finite as x + -) and the spectrum
in this region depends on the form of the diffusion coefficient (Figure
6a). Note that the power law spectrum is achieved only under the condi-
tions we have assumed; if a 'free-escape' boundary (U = 0) is assumed at
x = -L for example, exponential spectra are obtained (146).

Equations (5.7) and (5.8) have a neater form if expressed in terms
of the particle momentum (p) and the ommni-directional component of the
distribution function Fy(p) = oTU(T) /4mp3:

P, = (3/(V,~V,0)Q (/e ", (5.10)

where A1 = (A +3) = 3R/(R-1) + 4 for strong shocks.,
It is instructive to consider the behaviour of the cosmic ray
pressure according to these results. From (5.9) we obtain

Pcz/Pc1 = V,A/vz(x-n = R/{1 - o (R-1)/3} (5.11)

and find that pga/peq * © for R = 1+3/a (i.e. R = 2.5 for non-relati-
vistic and R = 4 for relativistic particles). The divergence in the
downstream pressure is a result of the flatness of the spectrum and in-
dicates that shocks tend to bring particles to high energies. Further-
more, on comparing the cosmic ray pressure jump to that which would re-
sult from an equivalent adiabatic compression, one sees that shocks give
more energy to the cosmic rays than an adiabatic change and the process
is therefore irreversible, as would be expected from (5.9), (5.10) (see
Figure 5b).

The effect of shock acceleration in the case in which the upstream
cosmic ray spectrum is a power law is of particular interest in consider-
ing the post-acceleration of secondary particles. Using (5.7) with Qg =
0, U4(T) = U4(T/Tq) HinT > Ty and assuming T >> T,, one finds that if
(A+1) # p
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U= 6(T-T,)

A A ‘ ‘
logU UZ«(T/TJ*R°”
T=T, log (T/T,)

Uy o (TIT)H u>a+t
log U T E

Uy (T/ T, "

ooy

T=T, log (T/T,)
Uyoe (T/IT,TH, pedet

iog U )

-
1 log (T/T) 10 T=T, log (T/T;)

(a) (b)

Fig. 6. (a) Spectra of particles accelerated by a strong (V{/Vy = 4)
plane, steady shock with monoenergetic injection at T = Tq (equations
(5.5), (5.9)), at various distances (V4x/x¢) upstream and with k =
K1(T/T{). Note that the spectrum is a power law only at the shock and
downstream; ahead of the shock it tends to be peaked because high energy
particles can diffuse further upstream than low energy particles.

(b) The effect of a shock wave on an incident or injected spectrum which
has a power law form above a certain energy. If the initial spectrum is
softer than the shock would produce for monoenergetic injection (5.9,
5.10) the downstream spectrum is altered to the "shock" spectrum at high
energies. On the other hand, if the initial spectrum is flatter than the
"shock" spectrum the. initial power law is preserved at high energies but
the spectrum is shifted upwards.
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U, = 8o, (/1™ - (/1) MV}, s, (5.12)

where B = 1/(1-C{(V4-V2)/V{) = AV{/V2(A+1-p) and C{ = 1+0(u=1)/3 is the
upstream Compton-Getting coefficient. For T >> T we see that Uz(T) «
(T/T)™" if p < (A+1) and Up(T) « (T/T9)~A*1) if y > (A+1) as shown in
Figure 6b. Thus shock waves which are capable of generating the observed
cosmic ray spectrum at high energies (i.e. A+1 = 2.3) will change the
spectrum of secondaries, but shocks with (A+1) > po v 3 will not; the
corresponding compression ratios and shock Mach numbers are R = 3.3,

M7 = 14.3 and R £ 2.5, M% < 5, respectively,

The solution given here for a plane, steady shock can be genera-
lized to the case in which the diffusion coefficient is anisotropic. If
the y-axis is taken to lie in the plane of the shock and the magnetic
field to lie in the (x,z) plane, and if V = (V4,0,0) in x < 0, then we
must put Kq = K,cos“0q + Klsin261. The components of the current vector
parallel to the shock surface are:

. au . oU
Sy = - KTs:.nG1 e S5, -(k, - K")31n61cose1 = ° (5.13)

where kT = pv/3eB and Kk, K; are the components of the diffusion coef-
ficient parallel and perpendicular to the magnetic field direction, re-
spectively. In the limit k; -+ O,

. 2 2
Sx-CV1U KySin 61 + K cos 6

5, (Kn-K)sind

1cose1 -+ tanB1 , (5.14)

thus for 04 - m/2 the particle distribution upstream of the shock is
highly anisotropic and field-aligned much as in the case of scatter—free

acceleration.

6. Plane Shocks With Enmergy Losses and Time Dependence

Solutions of the plane, one-dimensional problem discussed in sec-
tion 5 allowing for time dependence with various initial conditions have
been given by Fisk (147), Vasil'yev et al. (148), Toptygin (11) and
Forman and Morfill (149). The effects of energy losses due to colli-
sions, synchrotron emission and Compton scattering and adiabatic expan-—
sion, all expressed in terms of a loss time T(T), have been considered
by Bulanov and Dogiel (150,151) and V6lk et al. (152-154).

I1f particles are injected at the shock, beginning at t = 0, with a
monoenergetic spectrum (i.e. U{(T) = 0, Q,(T,t) = Qu6(T-T¢)H(t)) and
there are distributed losses of the form Q(T) = -U/T, equations (5.1)
and (5.2) can be written

2

38 _ 1 ) _ = 1
—a;;—-‘gvaxT(QTﬁ) U(s '|",l7) ’ (6.1)
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= _ g _ 12 =y _ . oU
S =Vv(@ -3-§—T-(0LTU)) Kas s (6.2)

where bars represent a Laplace transformation with respect to time
(e”8t), Assuming Kk, V to be independent of x both upstream and down-
stream of the shock, solutions of these equations exist such that U, S
« exp B(s)x, where

B =8,(s) = [1+ /{1 + by /], /2) inx<o0, (6.3a)
2 .
B = Bz(s) = [1 - V{1 + 4Y2K2/V2}](V2/2K2) inx >0, (6.3b)
and y; = s + 1/1;. Applying the continuity conditions (5.4) in the form
U, =0,=T (1), § +Q@(T-T)/s=5,, atx=0, (6.4)

we eventually obtain for Uy(T) (the demsity of particles at the shock):

T (VA +V, A,)
- _1 3 YY1t "2727 4Tt

1

where Up(T) is the steady state solution given by (5.8) with Q, = 04T{Uj4

and A = /{1+4YiKi/V%}-1. The effects of time dependence and energy

losses are contained entirely in the exponential term on the right of

(6.5) and they are not important if Ay, Ap + 0 (i.e. 4YiKi/V% << 1),
Consider first the case of time dependence without energy losses

(T; » «). Although the inversion of (6.5) is difficult in general, simple

approximations can be found for large and small values of the time and

an exact solution is available in a special case in which Ay = A and

K1, Ko do not depend on energy. For small s we can take VjA; Vv 2sk3/V;

and hence obtain a rough representation of the solution for large time:

U (T,) v U,(T) H(t-T)) , (6.6)
where
T K K
o3 S, Sl ar
Ta—zv—-_—v—yj' {:v +V]U._T4 . (6.7)
1 2 T1 1 2

That is, at a given time t, no particles are seen at energies greater
than a value T such that T,(T) = t, while at lower energies the spectrum
approximates that of the steady state solution (5.8).

For the case in which 4K1/V% = 4K2/V% = t, (independent of T) equa-
tion (6.5) can be inverted to yield
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U (T,t) /U, (T) = {(T+2T )T/ (T1+2TO)T1}vlog{(To+2To)T/ (T1+2T°)T1}"

t/t
o 2
-y 2 | _dt'
X Jo expl: T (log{(T+2T°)T/(T1+2TO)T1}) t] /(4“'3) , (6.8)

where v = 3(Vy+V2)/4(V{-V2). Alternatively, in terms of particle momen-
tum:

Fo(p,t,x=0)/F°2(p) =
t/t

o 2 '
2\)(P/P1)2vlog(p/p1)J exp[- ':-:)-r (log p/P1)2-t'}-—/—(2t—3) , (6.9)
o mt'

where F92(p) is the steady state solution given by (5.10). Using
Laplace's method to estimate the integrals in these expressions for suf-
ficiently large t/t, we find that they behave like (somewhat spread out)
step functions with the "step" occurring at t = vt,log(p/py) = T, as de-
fined in (6.7) (see Figure 7). For t >> T, one finds_that the right hand
sides of (6.8) and (6.9) tend to unity as expected. [Note that these re-
sults are slightly different from those given by Toptygin (11) who ef-
fectively takes Qu(T,t) = QOG(T-T1)6(t).ﬁ

The effects of emergy losses on the steady state spectrum can be
found by taking the limit s + 0 in (6.5) and inverting:

T (VA 4V, A,)
UO(T)/UZ(T) = exp I __1;_ 171 7272

T

4T’
(V1-V2747 aT' ?

(6.10)

where A; = /{1+4Ki/V%Ti}-1. In the case in which A{ and Ay are indepen-
dent of energy this integral is easily evaluated:

U (DU, (1) = [(zs2r )T/ (T #21 )T,]7" , (6.11a)
or alternatively
F (p,x=0)/F ,(p) = (P/P1)-2n , (6.11b)

where n = 3(V{A{+V245) /4(V4{-V3). The spectrum with losses is considerably
steeper than without if n = 0%1). In general, we require that T1,T2>>T,
if losses are not to effectively quench the shock acceleration mechanism.
An example showing the spatial variations of various values of Ay =

A2 = /(1#X)-1 is shown in Figure 8.

It should be noted that the "loss time" approximation to the energy
loss term in (6.1) is not strictly valid except in the case of catastro-
phic losses due to nuclear interactions, where 1/T = vno and o v 7(1,26x
10-13 al1/3)2 cmz, with n being the number density in the background
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The time dependent development of the spectrum at the shock for

energy independent diffusion coefficients and monoenergetic injection
(equation 6.9). We show here the ratio of the spectrum at a given time
t to the equilibrium spectrum as a function of momentum.

INTENSITY
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SHOCK—W X=0

| 1 ] 1 1 1 | ]
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DISTANCE FROM SHOCK (V,x/K,)

Fig. 8. The effect of losses (X = 4I(2/V%T2) on the efficiency of shock
acceleration (Vlk et al. (152-154)).
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medium and A the atomic number of the energetic particles. For con-
tinuous energy losses, the approximation is relatively crude, since in
fact:

Q=- g—T I:U z[g—ﬂj , (6.12)

i

where, in units of MeV/sec and with T expressed in MeV/nuc

%% = 2.5::10-9 BZT2 for synchrotron losses (e+,e-) ,
= 8::10—16 nT for Coulomb collisions ,

4.8::10-'8 WrT2 for inverse Compton losses (e+,e-),

4.5x10 13

nZz(c/v) for ionization losses ,

(2V/3Rs)aT for adiabatic losses ,

with W, the energy density of photons, Z the charge state of the par-
ticle and div Vv 2V/Rg (155). In these cases, it is possible to use the
"loss time" approximation as above, but it is obviously better to make a
more exact analysis.

It is possible in principle to solve problems involving continuous
energy losses analytically; such solutions have been given for cases in
which the losses are adiabatic (156) and due to synchrotron and/or in-
verse Compton emission (157).

A somewhat related problem concerns the effect of second order
Fermi acceleration occurring behind the shock (59,158-160,161). Here,
following Webb (161), we take

oF
1 3 2 o /
= — o= D +— 6.13
Q p2 op [p PP 9p ] ’ ( )

where Dy, = szzexp(-x/LZ) in x > 0, For the case of monoenergetic (p =
py) injection at the shock and with Ky, Ky independent of p, the solu-
tion for large p/py far downstream has the form:

F (x,p) = (p/p)7™" (6.14)

with
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p =% [(3-n(1+n) (R-1)/3E} + 4n(1+n)R/€:|1/2
+ 2 {3-n(1+n) (R-1)/3€} , (6.15)

where n = VoLy/ko and & = D2L5/K2. For small £ it can be shown that

3R (- S Emsm @D+ L) (6.16)

and hence the spectrum is flatter at high energies than found in the
case without second order Fermi acceleration (£ = 0). In a more general
situation where k9 and D,  depend on the charge/mass ratio of the par-
ticle species one would expect that the acceleration is selective.

7. Acceleration by Non-Planar Shocks

With one exception, namely the model of an interplanetary corota-
ting interaction region given by Fisk and Lee (162), all attempts to
deal with the acceleration of energetic particles by non-planar shocks
have been restricted to cases of spherical symmetry. The essential dif-
ficulty is that the flow on either side of the shock is divergent (div
V # 0, in contrast to the one-dimensional case), so that energy changes
occur due to adiabatic expansion and compression in addition to the ac-
celeration associated with the shock. Furthermore, in a non-planar geo-
metry, energetic particles may diffuse towards the shock from downstream
and also escape upstream relatively easily, whereas in plane shocks con-
vection usually dominates the behaviour at large distances, both up-
stream and downstream. It is not surprising then, that the energy/momen-
tum spectra produced by non-planar shocks are not in general power laws
and that the acceleration produced by the shocks should in many cases be
partly undone by adiabatic expansion in the downstream ., egion.

Approximate solutions to non-planar problems can be obtained if one
is willing to assume that as far as the upstream medium is concerned,
the shock can be treated as being locally plane (i.e. ky/Vg << Rg, the
shock radius) and the downstream region has kp = 0, so that convection
and adiabatic energy changes dominate (163), or the downstream flow is
incompressible so that only convection and diffusion occur (164,165)
Several quite complicated problems, in some cases with time dependence,
have been treated assuming that the energy/momentum spectrum preserves
a particular power law form everywhere (57,58,3) but in view of the re-
sults obtained in section 5 this is hardly justifiable (it amounts to
neglecting a particular solution). A partial correction of this defi-
ciency can be attempted by combining two power laws above a certain
energy and always ensuring that the spectrum is smooth (as shown in
Figure 6b for example) (166); however, this procedure is not strictly
correct and leads in general to non-conservation of particle numbers.

Two spherically symmetric problems have been solved exactly, namely
the cases of a stellar wind with a stationary inwards-facing terminal
shock surrounded by an extended region of essentially incompressible
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Fig, 9. Configurations assumed for solutions of problems corresponding

to shock acceleration at (a) a stellar wind terminal shock (167-169),
(b) an accretion shock (170).
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flow extending to infinity (167-169) and a stellar accretion flow with a
stationary outwards-facing shock, within which convection is dominant
(170). The configurations are shown schematically in Figure 9. In both
cases the energy/momentum spectrum has a given form and the radial cur-
rent vanishes at r = © and particles may also be injected at the shock
(r = Rg).

The solution of the terminal shock problem for which Fy(r,p) —+
8§(p-py) as r + = and r2S = 0 at r = 0 has the form

F (r,p) = g(r,p) [1-H(p-p,)] + b(®) (o/p ) " H(p-p)) , (7.1)

where g(r,p) and h(r) are known functions and p is a function of
V{Rg/Kq, VoRg/Ky and V3/V{. The second term on the right of this expres-
sion is associated with shock acceleration, being a power law as in the
plane case, but with a spectral index no longer dependent only on V3/Vj.
The first term on the right represents the effects of deceleration with-
in the stellar wind region (i.e., modulation) which causes some particles
to lose energy but in general also leads to a net acceleration (168).
The cosmic ray energy flux f4ﬂrZSTdT is positive and finite at infinity.

It has been proposed that stellar winds associated with O-stars
could be an important source of galactic cosmic rays since (marginally)
enough energy seems to be available (120,171,172). The mechanism has the
advantage that it is stationary to a first approximation, so that there
is no upper limit to the particle energies that can be achieved due to
time dependent effects as described in section 6., However, there is a
significant difficulty in that the magnetic field lines in the stellar
wind region should be tightly wound Archimedian spirals at the position
of the shock. Thus if Q rad/sec is the rotational speed of the central
O-star, the average angle between the field lines and the shock surface
is ¢ v V{/QRg, which with Vq = 2000 km/sec, 2m/Q = 108 seconds and Rg =
2 parsecs, yields QRg v 4x1013cm/sec >> c; the shock is therefore almost
everywhere perpendicular so that particles appearing at the shock, for
example, cannot move upstream and be further accelerated. Furthermore,
as a result of the tightly wound up magnetic field, the radial component
of the diffusion coefficient in the subsonic region behind the shock is
very small and hence the intensity of the galactic cosmic radiation must
be substantially depressed, so that few particles can reach the shock
from behind.

The accretion problem can be solved exactly provided once again the
diffusion coefficient is chosen to be independent of energy/momentum.
Taking Vq = Vo(x/Rg)™%, kg = Ko(r/Rg)® and assuming injection at the
shock such that Q « 6(r-Rg)8(p-py), solutions have been obtained for the
case 0 + B = 1 with asymptotic forms at high energies such that:

F (p,m) ~ A (e/R) P (o/p )TN

(p/p1 s N>n., (7.2)

F (p,x) v {B,-B, 1og(r/Rs)}(r/Rs)-mlog(p/p1)(p/pi)-n, n<ng, (7.3)
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where n = VoRg/Kg, Ne = (1+B) (Vo+V2) /(Vy-V2), & = 1=(1+8)V2/(Vo-V2)n,
1/2(1+B+n), n = 3(1+8+n)2/4n(1+8) and Ay, By, By are constants. Al-
though in general, the spectrum is essentially a power law, the spectral
index is affected by the diffusion coefficient through n. For n -+ «, the
spectral index approaches that of the plane case (6§ +~ 1) as expected,
but for finite n the spectrum is harder as a result of the additional
acceleration associated with the convergence of the flow ahead of the
shock. (In this case, the particle pressure becomes infinite at the
shock, requiring a non-linear treatment.) For small n the shock produces
less efficient acceleration and the spectrum is very soft, such that
n + 3(1+8)/4n.

It has been possible to find exact analytic solutions for the ac-
cretion problem only for the case in which k{ is independent of momen-
tum., However, an approximate asymptotic solution valid for large values
of p/pq can be obtained for the case kg « (p/p1)Y The essential feature
of this solution is that the spectrum becomes exponential:

)-3/2

@ = 0/p) % expt- 3 L2 (o7 )3 (7.4)

In all cases the accelerated particles are eventually convected through
the shock since r2S + 0 as r o; thus in contrast to the case of
stellar winds, the configuration cannot provide a source of cosmic rays
to the external world without some further modification, such as a "free
escape' boundary somewhere outside the shock wave position.

It has been suggested (170,173) that accretion shocks around neu-
tron stars could be an important source of galactic cosmic rays, at
least for energies up to 100GeV/nuc. Since many (109-1010) neutron stars
are likely to exist in the galaxy and a significant number of these
(104-10°) are in cool, dense clouds where the energy released by accre-
tion can reach " 4x1036ergs/sec, it appears that enough power is avail-
able. It is also possible to generate the observed spectrum, although it
is not obvious why any particular spectral index should be chosen. In
view of the high background plasma densities involved it is also unclear
whether or not the diffusion coefficient is sufficiently small that
4ky/V§ << Tg. In any case, an additional assumption is required to per-
mit particles to leave the system, which must lead to a substantial re-
duction in efficiency as well as a change in the form of the spectrum.
There is also of course the problem of angular momentum in the external
medium which tends to further reduce the efficiency by reducing the
solid angle in which an accretion flow can occur.,

8. Acceleration of Cosmic Rays by Supernova Blast Waves

In this section we review our present understanding of cosmic ray
acceleration by shock waves associated with expanding supernova rem-
nants assuming that the cosmic rays play no part in the dynamics of the
remnant. No exact formal solutions describing shock acceleration by blast
waves exist since unsteady flow is involved and the problem is too diffi-
cult. One can obtain similarity solutions corresponding to the Sedov
blast wave solutions (175) but this requires in general that Kk is a fun-
ction of time, which may not be a very reasonable assumption. An approxi-
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mate solution has been given by Krimsky et al. (163) however it is

rather oversimplified and the characteristic effects associated with
three~dimensional flows described in section 7 are absent; it is assumed
that VgRg/kq >> 1 so that the shock is effectively plane and k3 = 0 so
that the cosmic rays behind thke shock simply expand adlabatlcally Never-
theless, despite the oversimplification we can at least proceed in this
manner to consider how supernova remnants accelerate cosmic rays pro-
vided the limitations of the assumptions are recognized.

In order to obtain a feeling for the behaviour of supernova rem-
nants in the HISM it is useful to consider the implications of the dia-
gram given in Figure 10. Here we have assumed, following section 3, that
one supernova with average energy 1031 ergs occurs everg 30 years in
a volume V, and that the HISM has density n = 3x10 3cm , temperature

7x10°K and magnetic field strength B = 1 pyGauss. We neglect the
e%fects associated with radiative cooling and the presence of dense
clouds (6,118) and assume simply that a supernova remnant can be repre-
sented by the Sedov solution with

2/5  2/5
R = 13(E51/n°) / t4/ parsecs , (8.1)

where E5q is the supernova energy in units of 1051ergs, n, the number
density of the HISM (cm™3) and t; the age of the remnant in units of 10%
years. Assuming that the supernovae are uniformly distributed, it is
possible to calculate the average number of shocks (Ng (> Vg)) with speed
greater than a given value passing any point per year and the fraction
(F (< Rg)) of the cosmic ray containment volume Vg which is covered by
shocks with radii less than a given value:

. 3
N (> V) = 4mRR/3V, (8.2)

R
. s *3
F(<R) = (41TNg/3Vg) J R, dt , (8.3)

o

where N, is the supernova rate in the galaxy. These quantities are shown
in Figure 10 with various abscissae determined from (8.1) and the plane
shock results (5.9) and (5.11). It is important to note that the Sedov
phase begins only after about t4 v 1, since prior to this the mass
ejected by the supernova is not negligible compared with the mass of

the HISM overrun by the shock. The Sedov phase ends when the total en-
thalpy of the ambient HISM existing prior to the passage of the shock is
comparable to E5q (i.e. at R = Rc) whlch is rgughly the point at which
the Mach number of the shock (M? = V2 /(c + c2)) is unity, As shown in
Figure 10, this occurs at a radius R v %80 pc. Since the speed of the
shock cannot be less than the speed of sound, the Sedov solutions under-
estimate Ng and F when Rg = Vg > V(c2 + c&) " 185 km/sec and at all
later phases. It is interesting to note, however, that with the condi-
tions assumed this occurs roughly when F v 1 so that the whole of Vg is
in effect covered by supernova remnants of moderate strength as re-
quired to account for the existence of the HISM (6).
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Fig. 10. The rate at which shock waves with speeds > Vg pass a given
point Zﬁ(> Vg) and the fraction of space in the galaxy covered by shock
waves with rad11 < Rg (F(< Rg), as functions of shock radius (Rg), age
(t4) and shock speed (Vg = Rg). We have assumed that the Sedov solution
is valid and that the shock waves propagate into the HISM with Do = 3x
10~ 3, Egy =1, T g = 7x103 K, Bg = 1 pyGauss and supernova rate N, = 1/30
per year. The corresponding values of the Mach number, the cosmic ray
spectral index and the cosmic ray and plasma pressure jumps at the shock
are also shown. The observed primary cosmic rays must be accelerated
predominantly around the region where y = 2.3, which suggests that the
important cosmic ray sources 2re supernova remnants with radii of the
order of 70 parsecs, age 3x10% years and occupying about 1Z of space.
Secondary nuclei produced by interactions taking place throughout the
galaxy have their spectral index changed only by shock waves correspond—
ing to p < 3 and these are seen to occupy only 4% of space.
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An immediate implication of Figure 10 is that the shock waves
wvhich are largely responsible for determining the cosmic ray source
spectrum (p v 2,3) have My = 3.3, Rg v 75 parsecs, Vg v 650 km/sec, t "
3x10% years and they cover less than v 1% of space. The cosmic ray pres-
sure enhancement behind such a shock is of the order of 14 (see Figure
5b) ; presumably, however, this is something of an overestimate since the
plasma pressure enhancement is only of the same order (p2/py ~ 5M%/4 if
M% >> 1 and vy = 5/3) and we have neglected the effects of cosmic ray
pressure on the dynamics of the supernova remnant. Evidently, cosmic
rays produced in earlier phases (when p < 2.3) cannot make a significant
contribution to the ultimate cosmic ray population due to the overwhelm-
ing effects of adiabatic expansion, whereas cosmic rays produced in
later phases suffer less from expansion losses but are not accelerated
as efficiently. It is important also to note that shocks which alter the
observed spectrum of secondaries (u < 3, My > 2.3) occupy only ~ 5% of
space so that post-acceleration by shocks affects the spectral form of
no more than 57 of the secondaries., However, since essentially all of
the HISM is covered by shocks (perhaps relatively weak), all secondaries
undergo post—acceleration, which must therefore be taken into account in
making inferences from their fluxes (as discussed in section 2). The
argument (60) that the acceleration of galactic cosmic rays must occur
in the HISM because only in this way a large fraction of space can be
"processed" is misleading since it implicitly assumes that cosmic rays
are accelerated from a seed population rather than emerging from the
background plasma; indeed, the above discussion is essentially contra-
dictory to such an approach.

According to Figure 10, the cosmic ray pressure enhancements to be
expected are not insignificant in the sense that an enhancement by a
factor of 2 or more corresponds to F v 0.35, Ng 5x10'6/yr. That is, for
35% of the time and once every 2x10° years, the solar system should be
immersed in regions with noticeably enhanced cosmic ray intensity, which
is probably not consistent with observations (112,113). This is an in-
dication of the fact that a non-linear approach to supernova dynamics
is necessary, leading to a reduction of the cosmic ray pressure enhance-
ment at a given Rg shown in Figure 10, to a reduction of the Mach number
(since the effective speed of sound is 200-230 km/sec rather than 185
km/sec) and to corresponding changes in the volumes occupied by the most
important cosmic ray producing shocks and the shocks which can affect
the secondary spectrum, -

Despite the above reservations it is important that the non-self-
consistent analysis of cosmic ray acceleration be carried as far as pos-—
sible to see what further implications it might have, This has been done
Blandford and Ostriker (60,61) who made the following assumptions:

(a) the shocks can be considered plane and steady with the accele-
rated spectrum being determined as described in section 2;

(b) fresh particles are injected at the shock at a constant rate and
with a monoenergetic spectrum (py v 100 MeV/nucleon, say);

(c) the accelerated particles undergo adiabatic expansion by a factor
F until the original plasma density or pressure is reached;

(d) specific shock propagation models are used (e.g. Sedov (175) or
McKee—-Ostriker (6));

(e) the subsequent propagation of cosmic rays takes place as in the
simple leaky box model.
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On this basis a conservation equation of the following form can be de-
rived:

%;-[}¢(x-x')Y(x')dx' - Y(xi] + Qo¢(x) = Losses + ¥£%%$.’ (8.4)

where Y « p4Fo(p), x = log(p/Z), Q, represents the injection rate, Tg is
a parameter determined by the supernova rate and To(x) is the residence

time of cosmic rays in the galaxy. ¢(x) is the "redistribution function"
given by

q -3
¢(x) = [ (q-3)D(q)F(q)" “{exp(4—q)x}dq , (8.5)
4

where q is the spectral index characterizing the shock of a particular
strength, D(q) is obtained from the shock propagation model assumed and
q' is determined by the weakest shocks predicted in this model. For
reasonable shock propagation models the form of ¢(x) is such that
around the injection energy the redistribution corresponds to diffusion
in a manner similar to that described by Bykov and Toptygin (11,176,177)
for multiple encounters with many weak shocks. In addition, ¢(x) has a
high energy tail corresponding to occasional encounters with strong
shocks.

The essential result of the work of Blandford and Ostriker is that
on the basis of the assumptions listed above, the spectral forms of
primary and secondary cosmic rays can be adequately accounted for (see
Figure 11). In particular, at high energies (> 10 GeV) the proton energy
spectrum has the form j(T) « T-(243+4) yhere in the spectral index,
(2+6) ~ 2,2 results from the initial acceleration by strong shocks and p
N 0.4 from the energy dependence of the escape mechanism. The normali-
zation of the spectra and the relative abundances of different primary
species are not determined since the injection rate is arbitrary. How-
ever, the relative abundances and spectra of secondaries are determined
once the Q, are fixed, just as in the simple leaky box models. The
short—comings of this procedure are fairly obvious and are all connected
with breakdowns of the validity of the five basic assumptions listed
above. In particular, the underlying assumption that cosmic rays can be
treated as non—interacting test particles having no effect on the
dynamics of the background plasma is not sound as evident from Figure 10.

It is implicit in any model of this class that the energy of any
given cosmic ray particle is not constant in time, which has important
implications for the interpretation of observations of secondary par-
ticles in particular. Most fragmentation products, for example, should
be produced in the ISM as a whole, since the product (volume x time x
cosmic ray flux) is much greater than in moderately strong supernovae
blast waves (R & 100 pc) even taking into account the enhancement of
cosmic ray flux in the latter, Nevertheless, the secondaries must be
affected by the large number (v 102) of shock waves they encounter
during the time they spend in the containment volume, Even if the forms
of their spectra are unchanged, the secondaries must be accelerated and
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Fig. 11. Model galactic cosmic ray spectra calculated by Blandford and

Ostriker (61), for (a) protons, (b) electrons, (c) heavy nuclei and (d)
the apparent path lengths of secondaries. Model I corresponds to the
supernova model of McKee and Ostriker (6), model II to the Sedov solu-
tion and model III is a solution with an assumed power law source and no
redistribution. The escape laws used have a simple power law dependence
on rigidity (a) and contain an extra rigidity independent term (b).
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decelerated (i.e. the spectrum raised and lowered) as a result of such
encounters following their formation; if the net energy changes signi-
ficant, the path length must be correspondingly different from that de-
duced under conditions of propagation at constant energy. The Blandford-
Ostriker model does not provide an especially good fit to the data con-
cerning secondaries (178) but this does not mean that the model is
wrong on this account; there are many improvements to be made and it
ghould therefore be regarded as being a first step in the right direc-
tion.

Some secondaries, notably anti-protons, are particularly important
in this regard, since their production cross sections are strongly
energy-dependent (in contrast to fragmentation cross sections). Simple
leaky box models with constant particle energy find great difficulty in
explaining the presently available measurements of anti-protons, es-
pecially at low energies where the direct production rate is very low
indeed (179-182). Although a detailed model is not yet available, it
seems likely that the anti-protons can only be explained if their pro-
duction occurs mainly in supernova remnants where the high energy (T ]
102 Gev) protons have intensities v 104 greater than normal (partly as a
consequence of a flatter spectrum) and is followed by adiabatic expan-—
sion bringing significant numbers of anti-protons to energies of
n 100 MeV. Obviously such secondary particles can provide important in-
formation concerning the whole process of cosmic ray acceleration in
supernova remnants, which is not obtainable from secondaries produced
by fragmentation, for example.

9. The Cosmic Ray Diffusion Coefficient in the HISM

In order for galactic cosmic rays to be accelerated by supernova
shocks up to any particular energy it is necessary that the acceleration
time Ty v 4k1/V{ be less than the time available for acceleration
(Rg/Rg) , otherwise the spectrum will exhibit a high energy cut-off. For
Sedov blast waves, this condition can be written approximately as
4kiRg X Rg/Rg, hence

< e 27 2/5 =1/5 2 -
Ky n RsRs/4 = 2x10 (E51/no) t, cm sec . (9.1)

With Egqy = 1, ng = 3x10’3, ty v 1, we require that Ky X 5%x1027 em2/sec.
Taking as an estimate K " crg/3(6Bw/B)2 with r, v 10~ T(GeV)pc and 6By
the amplitude of waves having wave length O(rg , we find that k,, < 1.5x
1028 cm?/sec corresponds_to 6B,/B & 103 (T Gev)1/2 and hence 8By/B
should range between 10-3 and 1 for 1-106 GeV protons,

The condition (9.1) is stronger than the requirement that the shock
should appear approximately plane (namely kq/Vy < Rg or Ky < RgRg for
isotropic diffusion). However, if the diffusion coefficient is highly
anisotropic (as it probably is for T § 106 GeV/nuc), this requirement is
always satisfied. Furthermore, it should be noted that Ky refers to the
component of the diffusion coefficient normal to the shock and it could
therefore be identified with Kk,cos20 = k,/3 if an average is taken
over the (spherical) shock surface. Thus we require that K, & 1.5x10
cm4/sec.
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Fig. 12. Diffusion coefficients versus energy/nucleon and g¢onfinement
time. The maximum diffusion coefficient which would allow the equi-
librium spectrum to be achieved is ki (equation (9.1)); this intersects
the diffusion coefficient for escape from the galaxy at point C (T "
6x10% GeV/nuc). If {k,) = 3kq is used, the intersection point yields an
upper limit to acceleration at T ~ 106 GeV/nuc. Allowance for the energy
dependence of the diffusion coefficient (equation (6.7)) yields an upper
limit T v 2x103 GeV/nuc (point D). The average diffusion coefficient «,
resulting from an equilibrium between shock amplification and non-linear
damping (equation (9.4)), is slightly greater than 3xk{. The diffusion co-
efficient has a lower limit k = cr,/3 which yields an upper limit, using
(K.}, of T v 5x107 GeV/nuc. Second order Fermi acceleration should not be
important if the cosmic ray spectrum is to be determined by shock acce-
leration (K, > cﬁT); this could give rise to difficulties if the dif-
fusion coefficient is as small as K{/3 or K,. Self-generated waves occur-
ing near the shock can permit acceleration up to 10-50 GeV/nuc so that
the above arguments should be ignored in this region of the diagram
(185). It is evident that kq or {K.}, as shown, would be acceptable but
K, is too small in the range T 5_103'GeV/nuc. Based on arguments pre-
sented by Ginzburg and Ptuskin (67), Cesarsky and Lagage (68) and
Krimsky and Petukhov (183).]
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These constraints on Ky and k,, are displayed in Figure 12 together
with K;(T), representing the coefficient for diffusion perpendicular to
the plane of the galaxy (3.2). It would seem that there is no real dif-
ficulty in satisfying the requirements for shock acceleration by super-
nova shocks until energies of kK order of 5x105-106 GeV/nuc are reached.
However it should be noted that the form for T, used in obtaining (9.1)
is rather crude and if we were to allow for the fact that the shocks are
not infinitely strong (e.g. V1Iy§ n 3,3) and the diffusion coefficient
depends on energy (e.g. Ky « T1/3 as in (3.2)) then a further factor Vv 3
is required (for acceleration from an injected population at very low
energies) which corresponds to reducing the upper limit on the energy
achievable by a factor Vv 27 to 2x103-4x10% GeV/nuc. The essential prob-
lem here is that, apart from some conceptual difficulties, we do not
know what the typical values of K, might be in the HISM. The arguments
given above concerning the anisotropy of the diffusion coefficient could
equally well apply to Kz, but on the other hand our estimate of the
latter is entirely degendent on the most elementary leaky box model with
L v 200 pc, Ty = 2x10/ years and it is assumed that the diffusion coef-
ficient so obtained is somehow representative of k,, which is of in-
terest to us. In fact, the escape of cosmic rays from the galaxy may
well be largely controlled by convective transport associated with the
supersonic turbulence in the HISM (12,73) and by a galactic wind, so
that the above difficulty, which has been emphasized by Ginzburg and
Ptushkin (67), may not be real.

It has been pointed out that there is a further important con-
straint on the diffusion coefficient at high energies, namely the equi-
valent scattering mean free path should not be smaller than the par-
ticle gyro-radius so that k > cr,/3 (67,68,18). This constraint is also
shown in Figure 125 where we see that it yields an upper limit on the
energy of Vv 3-5x10” GeV for protons and ~v 1-3x10° GeV/nuc for other
species if B, v 1 pGauss, To reach these energies as a result of accele-
ration by a single shock, the magnetic field must be disordered on a
length scale of 0.1-1 pc - which is perhaps not unreasonable. With the
value of B, assumed, the upper limit quoted is not quite as severe as
that obtained from considerations of Kk, however if B, is as small as
107 Gauss, as argued by Hall (72,73), the upper limi§ to the energy
achievable would again be reduced to " 104 GeV/nuc.

' An additional constraint has been pointed out by Ginzburg and
Ptuskin (67), namely that second order Fermi acceleration should not be
important if the cosmic ray energy spectrum is to be determined by shock
acceleration alone, For ultra-relativistic particles the time scale for
second order Fermi acceleration by the Alfvén waves which cause pitch
angle scattering is k,/VZ (184) which is in genmeral much greater than
the shock acceleration time 4Kk/V5 since Vg >> V), However, second oder
Fermi. acceleration can operate over the whole period of containment in
the galaxy, so the essential constraint is K"/Cﬁ > T = To(T GeV/nuc)=1/3,
again a lower limit on Kk,,. This does not appear to be a serious con-
straint, however, since it approaches the upper limit required for shock
acceleration only at energies less than &~ 1 GeV/nuc where there is no
requirement that shock acceleration be dominant.

At low energies, the magnetic field irregularities required for
scattering can be locally generated by cosmic ray streaming instabili-
ties associated with the shock itself (4). According to V8lk (185) how-
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ever, if non-linear damping of the unstable waves is taken into account,
the upper limit on the energy to which particles can be accelerated re-
lying only on self-generated waves is only 10-50 GeV/nuc (see Figure 12),
Since linear effects strongly damp all magnetohydrodynamic waves other
than Alfvén waves propagating parallel to the magnetic field and the
latter are eventually damped by non-linear effects (186,187) it is
necessary to examine carefully the nature of the magnetic irregularities
required for particle scattering.

In view of the evidently violent nature of the HISM it seems diffi-
cult to imagine that the magnetic field is completely smooth on scales
of the order of 0.1-1 pc., Indeed we see from Figure 10 that weak shock
waves can be expected to pass any point in space with a frequency cor-
responding to such length scales, Weak shocks are not in themselves like-
ly to be very effective in cosmic ray scattering since the large scale
magnetic field changes they produce are relatively small, however they
are capable of amplifying existing Alfvén (and other) waves (188) and
generating new waves as a result of the cosmic ray streaming they in-
duce (70,71). It is possible that the magnetic field in the HISM is more
or less random on length scales of the order of 1 pc, which would satis-
fy the requirement that Kk, v 1.5x1028 cm2/sec for T v 108 Gev. If this
turbulence could cascade to smaller wave lengths maintaining a Kolmogrov
spectrum then the diffusion coefficient would be easily small enough for
our purpose for energies less than 106 GeV and it would have the energy
dependence required to account for the apparent escape lifetimes (189).
It is not clear however that the necessary cascading will take place at
a sufficient rate to overcome the effects of wave damping which become
progressively more important at small wave lengths (187,188),

For the case of non-linear Landau damping of Alfvén waves (186):

d 2, _ _ 4, 2 -
37 (6B = 8B /BT, , T, /(8/1T)/cg(k) ’ (9.2)

where (k) is the wave number corresponding to the particle momentum of
interest., With values of the quantities involved which are appropriate
to the HISM we find that

sB2/682 = 1/[1 + (882 /89 (e/T)] (9.3)

where GBWO is the wave amplitude at t = 0. Consequently,

28

(K) = % crg ((32/63370) + (t/T1)> N 2}{10 t4 szlsec . (9.4)

Thus if the waves are regenerated at intervals of the order of 104 years,
an adequate diffusion coefficient can be maintained on the average. It
is important to note that in the case of non-linear damping, the temporal
behaviour is not an exponential decay, but inverse time; hence the decay
rate becomes progressively longer at later times and is not sensitive
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to the initial value of 8By, as long as 8By, >> 8B,. A more detailed
analysis of these points is at present being carried out (188).

Bell's suggestion that Alfvén wave generation occurs as a result of
instabilities induced by cosmic ray streaming ahead of shock fronts has
been criticised by Morrison et al. (189) on the grounds that, with the
effects of cosmic ray pressure included in the dispersion equation, the
phase speeds of the most unstable waves exceed the Alfvén speed by a
very large factor and may even be '"supersonic'. These authors quote an
approximate result for the phase speed of the most rapidly growing wave:

1/2

von " Ca [1 + 3 (Ey/m) (ke/Q,) (E‘é/ci)]” 2, (9.5)

where the cosmic rays are supposed to have a power law spectrum above a
cut-off energy E,, Q, is the corresponding gyrofrequency, € is the ratio
of the cosmic ray to plasma number density and £ the anisotropy. Taking
E, = 103 ergs, € = 10'7, ke/Q, =1, & < 1 and cp = 35 km/sec, we ob-
tain vy, = 2.4 cy. This is very much less than the minimum shock speed
in the HISM, namely cg Vv 200 km/sec; hence the cosmic rays do not

stream supersonically and can therefore be accelerated as described in
section 5. If we take cy = 110 km/sec corresponding to B, = 3 uGauss,

we obtain vy, = 1.3 cp which is again substantially less than the sound
speed in this case (cg = 230 km/sec). If B, = 10~/ Gauss, then v h v

100 km/sec which is much greater than c,, §ut smaller than the sound
speed cg = 200 km/sec. [The formal analysis of Morrison et al. does not
differ significantly in substance from that of Zweibel (190) whose con-
clusions are essentially those presented here.] It should be noted that
the waves generated by streaming instabilities propagate in the direc-
tion of the magnetic field, which is not necessarily normal to the shock:
in this case the relative speed of the scattering medium is Vy =

Vg - vphcose. It is certainly the case that such a reduction in relative
speed can reduce the effectiveness of shock acceleration (10) but it
does not appear to be sufficient to prevent it from occurring.

A different approach to the problem of generating the magnetic
field irregularities required to scatter cosmic rays has been taken by
Hall (72,73). He considers the effect of large scale supersonic tur-
bulence in creating pressure anisotropies which cause firehose and mirror
instabilities which in turn produce small scale magnetic irregularities
capable of scattering cosmic rays. Using observations of electron den-
sity fluctuations in the galaxy obtained from pulsar scintillation data,
he estimates the plasma pressure anisotropies and the associated hydro-
magnetic wave field which might exist, The latter is then used to de-
termine a cosmic ray diffusion coefficient which is in reasonable agree-
ment with the shape of the cosmic ray path length distribution apart
from a scale factor which has not been adequately determined. In fact
this work is complementary to the other approaches to the production of
magnetic field irregularities we have outlined: it would be interesting
to have the effects of finite cosmic ray pressure and pressure aniso-
tropies included in the analysis, together with an investigation of the
effects of linear and non-linear damping on the wave spectrum,
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10. Non-linear Cosmic Ray Shocks

It has been noted at several points in this review that the linear
or "test particle" approach which we have so far applied to the problem
of cosmic ray interaction with shocks encounters certain difficulties.
For example, it is evident from Figure 5 that if Y. = 4/3 the cosmic ray
pressure behind a strong shock may become very large if the compression
ratio approaches 4; hence, given the fact that Pc1 Vv Pg in the HISM, the
cosmic ray pressure produced by the shock may be the dominant pressure
in the medium. This contradiction is also apparent in Figure 10, where
the cosmic ray pressure in supernova remnants, which are of most in-
terest for cosmic ray acceleration, is shown to be comparable with the
gas pressure so that the cosmic rays must play a role in the dynamics
of the expanding remnants. In connection with the problem of the dif-
fusion coefficient discussed in section 9, it is evident that there is
likely to be an intimate connection between the cosmic rays and the dif-
fusion coefficient since cosmic ray anisotropies can produce the hydro-
magnetic waves which in turn scatter the particles and tend to quench
the anisotropies which cause them,

These points and others which are perhaps more subtle, are all in-
dications that the problem of cosmic ray acceleration by shocks is far
more complicated than implied by the discussion given in the previous
sections. That is, we cannot expect in general to be given the diffusion
coefficient K and the velocity field in the medium V and be satisfied to
calculate the behaviour of cosmic rays using linear transport equations
as in sections 5 and 6, for example. In a realistic treatment it is
necessary instead that we simultaneously determine the nature of the
wave field (and hence the diffusion coefficient) and the reaction of the
medium to cosmic ray and wave pressure gradients. Furthermore, we must
consider the problem of cosmic ray injection, which opens a Pandora's
box of questions concerning the state of the background plasma, the
nature of collisionless shocks, pre—acceleration in plasma turbulence
and so on (13,191-194), Although the literature concerned with the non-
linear problem is not very extensive, the concepts and calculations in-
volved are rather complicated and there is no space to give a detailed
review here. Instead, we describe the general outline of the problem
using Figure 13 as a basis, and provide a list of references.

In Figure 13, we show the system divided into three components,
namely the plasma, the cosmic rays and the hydromagnetic wave field. The
plasma may be described in terms of its distribution function, which is
important in considering the problem of cosmic ray injection, and also
in terms of hydrodynamic quantities such as pressure, density, velocity
(pg, P, V) and the mean magnetic field (B). The cosmic rays can be de-
scribed in terms of their distribution function (U, S) or in terms of
the corresponding 'hydrodynamic" quantities, namely the cosmic ray pres-
sure and energy flux (p., F.). The wave field can likewise be described
in terms of its power spectrum as a function of wave number, or, where
appropriate, the integral quantity SB%, the mean square magnetic field
fluctuation. The wave field determines the cosmic ray diffusion coef-
ficient and, as a consequence, the nature of the coupling between the
cosmic rays and the background medium.

The "linear" approach which we have reviewed in the previous sec—
tions, assumes that the quantities in the plasma and wave boxes of
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Fig. 13. A diagram showing schematically the non-linear interaction
scheme described in the text. The arrows represent the direction of ener-
gy flow.
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Figure 13 are determined independently and that the cosmic rays simply
respond to the resulting diffusion coefficient and velocity field. We
may arbitrarily assume a certain rate of injection of cosmic rays from
the background plasma and also take into account cosmic ray energy
change due to ionization losses, etc.

Ignoring the existence of cosmic rays to begin w1th, it is also
possible to consider the interaction of waves with a given plasma velo-
city field, including shocks. It is found that the wave field must also
gain and lose energy as a result of plasma compressions and rarefrac—
tions and, in particular, the waves can be strongly amplified by inter-
acting with shocks (195,196). The effects of damping, which feed energy
from the wave field back to the plasma may also be considered, as well
as the direct effects of wave pressure and energy flux on the dynamics
of the plasma as a whole (197-199).

A second non-linear combination can be considered in which the be-
haviour of the plasma as a whole is prescribed but the cosmic rays and
wave field interact in such a manner that the waves which determine the
diffusion coefficient are produced by cosmic ray streaming (4,69-71).
The waves damp by giving energy to the cosmic rays, both directly and as
a consequence of second order Fermi acceleration, and also by giving
their energy up to the fluid as a result of various linear and non-
linear plasma damping mechanisms,

The third non-linear combination of two of the components shown in
Figure 13 comprises the cosmic rays and the plasma, with the wave field
(and thus the diffusion coefficient) being given (3,12,13,191-194,200-
205). The most straightforward procedure in this case is to treat the
hydrodynamic aspects of the interaction first, describing the cosmic
rays in terms of their pressure and energy flux and using a suitably de-
fined average diffusion coefficient (K). Thus, for steady, one-dimen-
sional flow:

pVU = constant , (10.1)

Pg +p, t sz = constant , (10.2)
1.2, Y _ |

pV Gf v© o+ -1 pg/p) + F_ = constant , (10.3)

representing conservation of mass, momentum and energy respectively. The
first moments of (5.1) and (5.2), integrated over T, yield:

dF d _
—< =y _pE. +Qq (10.4)
dx du 1 °? *
Y = dp
c K c
F, = = PV _Yc-1 T (10.5)

where ﬁi = f:TQdT can be neglected if cosmic ray injection occurs at
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very low energies. These equations can be integrated for given K to
yield shock-like transitions in which the total Mach number M = V/cg
changes from supersonic to subsonic. The flow speed varies smoothly but
an internal plasma shock occurs in some circumstances (3,201-203),

The properties of these transitions are such that for sufficiently
large values of the upstream pressure ratio (pc1/p1 R 4.6 for vy, = 4/3)
the transitions are always smooth, with cosmic ray diffusion playing a
role similar to heat conduction in an ordinary shock (12,13,200). For
lower initial pressure ratios, an internal plasma shock must be intro-
duced into the flow if the initial Mach number lies in a certain range
but is otherwise also smooth (200-202)., In the particular case where
pg = 0, smooth solutions are always the rule and the transition has the
simple form:

_1 -1 v
V=3 (v1+v2) ) (v1 "z) Tanh x/L , (10.6a)

VIV, = Gy =D/ +1) + z/(yc+1)uf , (10.6b)

where L = 2K/V1(1 1/M%) and M% P1V9 /chc1' This solution (which is
analogous to that obtained for the structure of a shock wave dominated
by heat conduction rather than viscosity) shows the usual feature of be-
ing narrow if M% >> 1 and broad when M% + 1. The overall compression
ratio Vq/Vy > (Yc+1)/(Yc=1) Vv 7 as M% -+ ©; in this case most of the
kinetic energy of the fluid is converted to cosmic ray energy and the
conversion efficiency approaches 987 as required to account for cosmic
ray acceleration by shock acceleration in supernova remnants.

In order to complete the solution for this type of non-linear in-
teraction it is necessary to determine the corresponding behaviour of
the cosmic ray spectrum (i.e. U and S). That is, we must solve (5.1) and
(5.2) with the flow speed determined from (10.1-10.5). This is in
general difficult but a solution has been found in one case, where the
flow speed is given by (10.6a) and the cosmic ray spectrum far upstream
from the transition is a §-function (203,204). The downstream solution
in this case is such that the peak of the spectrum shifts in a manner
appropriate to adiabatic compression by a factor V¢/V2 and a high energy
tail develops such that F,(p) « (p/p1) where

3v v
1 [ 2 2 ]
VE e ]+ =, (10.7)
V., Y VY,

This index is larger than would be obtained for the same compression
ratio in an unmodified shock (cf. 5.10), however this is not surprising
since compression ratios larger than 4 are possible in this case and the
cosmic ray pressure must remain finite (see Figure 5b). In fact, if
M% >> 1, V4/Vy + 7 and v + 7/2(1 + (6/7)(1/6)) = 4 which is to be com-
pared w1th Ay + 4 as V{/Vy + 4; of course pg2 * @ in either case.

On the basis of these results it appears that shocks associated
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with supernova remnants can be very efficient in accelerating cosmic
rays. The transitions may be smooth in the very early and late phases,
but in general they contain an internal plasma shock which converts the
remaining flow kinetic energy largely into plasma internal energy. It is
not certain that smooth transitions really occur at early phases since
no dissipation of waves due to streaming instabilities has been included
and this could easily change the above result. The cosmic ray spectrum
at high energies should always be a power law but the index is not
necessarily that given by the linear theory, as suggested by the above
example. Finally, the cosmic rays may in some circumstances take up much
of the upstream kinetic energy available to the shock. This does not
mean that exceptional cosmic ray pressures are produced, rather the op-
posite, since the cosmic rays can at most absorb the energy available
whereas in the linear approach (Figure 5b) there is no limitation on the
energy given to cosmic rays. This is probably the resolution of the dif-
ficulty implied by Figure 10 which suggests that the long term varia-
tions of the cosmic ray intensity at the Sun should be much greater than
is observed (112,113,206).

In the above approach to the non-linear problem in which the dif-
fusion coefficient is assumed known, it is necessary that a mean dif-
fusion coefficient K be given, Provided it is eventually possible to
solve for the cosmic ray spectrum, which determines the weighting in-
volved in K, this poses no real difficulty since K can be merged with x
and only results in a distortion of the spatial form of the transition.
However, as far as the connection between cosmic rays and plasma is con-
cerned (i.e. injection), the approach says nothing (200). An additional
theory must be constructed to determine how the cosmic ray and plasma
distribution functions merge, that is, to decide how much of the cosmic
ray pressure is to be provided by the acceleration of existing particles
or by the injection of fresh particles from the background. We are in-
clined to. the view that this is perhaps the best approach since the
physics of the injection process may be very complicated, especially if
it involves the strong plasma turbulence associated with a collisionless
shock (12,13). On the other hand, it is interesting to consider a dif-
ferent approach where the details of the whole particle distribution
function are kept in view as far as possible and the problem not split
into two steps as described above. The difficulty with this procedure is
that the equation describing the distribution function is not easy to
handle and a set of integral-differential equations results if hydro-
dynamic equations are accepted wherever it is reasonable to do so.
Eichler (191) has obtained an approximate solution which represents some
progress in this direction but it will almost certainly be necessary to
fall back on a numerical treatment (193). An exact solution assuming
that the distribution function satisfies a Boltzman equation with a con-
stant effective diffusion coefficient for all particles, has been ob-
tained by Krimsky (194). This solution demonstrates that high energy
particles appear quite naturally out of the background plasma even when
the transition is completely smooth, A perturbation approach using the
linear or test particle solution as a basis has been attempted by Bland-
ford (208) but the significance of the result is obscured by the fact
that the corresponding non-linear solution is not unique (200-202).

Although the results that have been obtained for the partially non-
linear configurations are interesting and instructive as far as the
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central problem of cosmic ray acceleration is concerned, it is difficult
to avoid the conclusion that a completely non-linear treatment is neces-
sary. That is, the entire complex represented in Figure 13 must be con-
sidered without making too drastic assumptions about any of its com-
ponents. So far, it has been possible only to write down the relevant
set of equations (which is no easy matter in itself) and to obtain a
few rather specialised and simplified solutions (70,71,209). Very pro-
bably, it will eventually be necessary to resort to numerical methods.
However, we expect that the following features will emerge:

1) strong hydromagnetic turbulence will develop throughout the trans-
ition;

2) the shock will be smoothed out by cosmic ray pressure gradients;

3) much of the fluid kinetic energy will be transferred to cosmic rays;
4) a power law spectrum at high energies will result for plane, steady
transitions without losses;

5) damping of the hydromagnetic turbulence will lead to energy transfer
from the cosmic rays to the plasma so that the plasma may be eff1c1ent1y
heated even in the absence of an internal collisionless shock.

The injection problem may eventually have to be treated separately but
it is to be expected that 1) a transition of finite width will tend to
favour acceleration of particles with large diffusion coefficients (191,
192) and 2) the turbulence generated in the transition, whatever form it
takes, will inevitably cause selective heating of the plasma so that
ions will be injected in a manner which depends on their current mass-
to-charge ratio (12,13). The latter may be the explanation for the ob-
servation that the relative elemental and isotopic source abundances of
galactic cosmic rays and of the energetic particles produced in large
solar flares are very similar (209), if both are the result of shock ac-—
celeration in media having "coronal" temperatures of the order of 109 K.

11. Conclusions

Although the possibility of energetic particle acceleration in
shock waves has been investigated by numerous authors for more than
twenty years it is only comparatively recently that its more attractive
features, as far as the acceleration of cosmic rays is concerned, have
been generally realized. It must be accepted that the idea is not with-
out its difficulties and perhaps unrecognized subtle features, but it is
surprising how much progress has been made. Whether or not all the theo-
retical and conceptual problems encountered so far can be resolved is
not clear but one can feel reasonably confident that the theory will not
be easy to reject.

In our view, the immediate needs of the theory are: 1) to under-
stand the nature of hydromagnetic turbulence in the HISM as a whole;

2) to understand better the nature of fully non-linear cosmic ray shock
structures; 3) to 1nvestigate the expansion of supernova remnants with-
out neglecting the cosmic rays as one of the most important components,
and 4) to understand better the nature of the galactic wind, its energy
sources and in particular the role played in its formation by cosmic
rays and extended supernova remnants. These are all very difficult prob-
lems and one should not expect rapid progress. In the meantime one is
free to speculate about the broader implications of shock acceleration
in the universe.
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First we note that shock waves must be prevalent in the intergalac-
tic medium, not only in obvious situations such as strong radio galaxies,
but also in clusters of relatively normal galaxies., Shock waves origi-
nating in supernovae for example, can speed up and become strong when
they encounter the dilute cluster medium and there is no reason to sup-
pose therefore that there is not rather efficient acceleration of an
extragalactic cosmic ray population in circumstances in which the losses
due to universal expansion and other effects are minimized (12,13).

Secondly, shock acceleration must be considered as one of two
distinct processes which give rise to solar energetic particles (the
other process being magnetic field reconnection, especially at flare
sites) (3,211,212), There is no lack of hydromagnetic turbulence in the
solar corona and the shocks produced by flares can at times be extra-
ordinarily strong (213). Except in the open magnetic field regions as-
sociated with coronal holes, solar flare produced shock waves must pro-

- pagate for considerable distances through magnetically closed regions

which could give rise to very efficient shock acceleration. These facts,
together with the observation that the charge states of solar energetic
particles often correspond to normal coronal and transition region tem—
peratures (214) in contrast to very high temperatures observed in the
vicinity of flares, is evidence in favour of shock acceleration. One
would expect however that the gamma-ray emission associated with flares
is the result of particles produced at the flare site, perhaps by mag-
netic reconnection, impinging on the lower atmosphere. It is interesting
to note that, at least near the Sun, flare shock waves are likely to be
highly non-linear in the sense discussed here,

Acknowledggments

I wish to thank L.O'C. Drury, M.A. Forman, J.F. McKenzie, K.
Richter, G,M. Webb, B. Wieser and H.J. V6lk for their help in preparing
this review,

References

1) Lingenfelter, R.E.: 1979, 16th ICRC (Kyoto), 14, 135.

2) Krimsky, G.F.: 1977, Dok. Akad, Nauk., SSSR, 234, 1306.

3) Axford, W.I. et al.: 1976, EOS 57, 780; 15th ICRC (Plovdiv), 11, 132.
4) Bell, A.R.: 1978, MNRAS 182, 147 and 443, -
5) Blandford, R.D. and J.P. Ostriker: 1978, Ap. J. 227, L49.

6) McKee, C.F. and J.P. Ostriker: 1977, Ap. J. 211, 148,

7) Johnson, H.E. and W.I. Axford: 1971, Ap. J. 165, 381,

8) Ipavich, F.M.: 1975, Ap. J. 196, 107,

9) Jokipii, J.R.: 1976, Ap. J. 208, 900.

10) Blandford, R.D.: 1979, AIP Conf. No. 56 (La Jolla), 333.

11) Toptygin, I.N.: 1980, Sp. Sci. Rev., 26, 157,

12) Axford, W.I.: 1980, IAU Symp. No. 94, 339,

13) Axford, W.I.: 1981, 10th Texas Symposium (in press).

‘14) Pesses, M.E. et al,: 1980, STIP Workshop (Smolenice); JHU/APL pre-

print 80-10,
15) "Upstream waves and particles': 1980, JGR 86, 4319,
16) Gold, T.: 1953, IAU Symp. No. 2, 103,
17) Blokh, Ya.L. et al.: 1959, 6th ICRC (Moscow), 4, 173.

© IUPAP ¢ Provided by the NASA Astrophysics Data System



.12..155A

19811 CRC. .

18)
19)
20)
21)
22)
23)

24)
25)
26)
27)
28)
29)
30)
31)
32)
33)
34)
35)
36)
37)
38)
39)
40)
41)

42)
43)

44)
45)
46)
47)
48)
49)
50)
51).
52)
53)
54)
55)
56)
57)
58)
59)
60)
61)
62)
63)
64)
65)
66)
67)

- 200 -

Dorman, L.I.: 1963, Prog. El, Part. and CR Phys. 7, Section 4.7.
Dorman, L.I.: 1973, Comm. Astrophys. Sp. Phys. 5, 67.

Axford, W.I. and G.C. Reid: 1962, JGR 67, 1692,

Axford, W.I. and G.C. Reid: 1963, JGR 68, 1793,

Bryant, D.A. et al.: 1962, JGR 67 4983,

Vernov, S.N. et al.: 1970, "Intercorrelated Satellite Observations

Related to Solar Events", (Reidel),

Richter, A.K. and E. Keppler: 1977, J. Geophys. 42, 645,

Hovestadt, D. et al.: 1981, 17th ICRC (Paris), 451.

Barnes, G.W. and J.A. Simpson: 1976, Ap. J. 210 L91

McDonald, F.B. et al.: 1976, Ap. J. 203, 1143,

Hamilton, D.C. et al.: 1979, 16th ICRC (Kyoto), 5, 363.

Asbridge, J.R., S.J. Bame and I.B. Strong: 1968, JGR 73, 5777.

Lin, R.P., C.I. Meng and K.A. Anderson: 1974, JGR 79, 489.

Scholer, M. et al.: 1980, Geophys. Res. Lett. 7, 73.

Zwickl, R.D. et al.: 1980, Geophys. Res. Lett.fz, 453,

Zwickl, R.D, et al.: 1981, JGR 86,

Sarrls, E.T. et al.: 1976, Geophys. Res, Lett. 2, 133,

Singer, S. and M.D. Montgomery: 1971, JGR 76, 6628.

Blokh, G.M, et al.: 1975, Cosmic Res. 13, 95.

Gosling, J.T., et al.: 1980 JGR 85, 744,

Anderson, K.A. et al.: 1972 NASA SP-315 22-1,

Gosling, J.T. et al.: 1978, Geophys. Res. Lett. 5, 957.

Bonifazi, C., et al.,: 1980, JGR 85, 3461,

Dorman, L.I. and G. I. Freldman' 1959 "Problems of MHD and Plasma
Physics" (Riga),

Shabansky, V.P.: 1961, JETP 41, 1107,

Parker, E,N.: 1963, "Interplanetary Dynamical Processes", (N.Y.,
Interscience).

Wentzel, D.G.: 1962, Ap. J. 137, 135,

Wentzel, D.G.: 1964, Ap. J. 140, 1013.

Hudson, P.D.: 1965, MNRAS 137, . 23

Hoyle, F.: 1960, MNRAS 120 338

Schatzmann, E.: 1963, Ann. d'Astrophys. 137, 135.

Jokipii, J.R. and L. Davis, Jr.: 1964, Phys. Rev, Lett. 13, 739.

Jokipii, J.R.: 1966, Ap. J. 143, 961,

Van Allen, J.A. and N,.F. Ness: 1967 JGR 72, 935,

Parker, E.N.: 1965, Plan. Sp. Sci. 13 9.

Dolginov, A.Z. and I.N. Toptygin: 1966 JETP 51, 1771.

Dolginov, A.Z. and I.N. Toptygin: 1968, Icarus 8 54,

Hasselmann, K. and G. Wibberenz: 1968, Z, Geophys. 34, 353,

Gleeson, L.J. and W.I. Axford: 1967, Ap. J. 149, L115.

Fisk, L.A.: 1969, Ph.,D. Thesis, UCSD,

Fisk, L.A. and W.I. Axford: 1969, Trans. AGU 50, 307.

Morflll G.E. and M, Scholer: 1977 Astrophys. Sp. Sci. 46, 73.

Ostriker, J.P.: 1979, 16th ICRC (Kyoto), 2, 124,

Blandford R.D. and J.P. Ostriker: 1980, Ap. J. 237, 793.

Linsley, J.: 1980, Proc., IAU Symp. No. 94 53.

Grigorov, N.L. et al.: 1971, 12th ICRC (Hobart), 5, 1746,

Yodh, G.B.: 1981, U. Maryland preprint.

Wolfendale, A.W.: 1977, 15th ICRC (Plovdiv), 10, 235,

Kiraly, P. et al.: 1974, Rev, del Nuovo Cimento 2, 1.

Ginzburg, V.L. and V.S. Ptuskin: 1981, 17th ICRC (Parls), 2, 336.

© IUPAP ¢ Provided by the NASA Astrophysics Data System



.12..155A

19811 CRC. .

68)
69)
70)
71)
72)
73)
74)
75)
76)
77)
78)
79)
80)
81)
82)
83)
84)
85)
86)

87)
88)
89)
90)
91)
92)
93)
94)
95)
96)
97)
98)
99)
100)
101)
102)
103)
104)
105)
106)
107)
108)
109)
110)
111)
112)
113)
114)
115)
116)
117)
118)
119)

- 201 -

Cesarsky, C.J. and P.0. Lagage: 1981, 17th ICRC (Paris), 2, 335,

Lee, M,A.: 1981, 17th ICRC (Paris), in press.

McKenzie, J.F. and H.J. V8lk: 1981, 17th ICRC (Paris), in press.

Vélk, H.J. and J.F. McKenzie: 1981, 17th ICRC (Paris), in press.

Hall, A.N.: 1980, MNRAS 190, 335, 371, 385; 191, 739, 751,

Hall, A.N.: 1981, MNRAS, in press,

Urch, I.H. and L.J. Gleeson: 1972, Astrophys. Sp. Sci. 16, 55.

Ormes, J.F. and P.S. Freier: 1978, Ap. J. 222, 471, -

Simon, M. et al.: 1980, Ap. J. 239 712, ~

Cameron, A.G.W.: 1973, Sp. Sci. Rev. 15, 121,

Waddington, C.J.: 1977, 15th ICRC (Plovdlv), 10, 168.

Balasubrahmanian, V.K.: 1979, 16th ICRC (Kyot—j' 14, 121,

Meyer, P.: 1980, IAU Symp. No. 94, 7. __-

Meyer, J.P., M. Cassé and H. Reeves: 1979, 16th ICRC (Kyoto) 12, 108.

Wiedenbeck, M.E. and D.E. Greiner: 1981, 17th ICRC (Paris) 2, 76.

Wiedenbeck, M.E. and D.E. Greiner: 1980, Ap. J. 239, L139,

Reeves, H.: 1980, IAU Symp. No. 94, 23, -

Meyer, J.P.: 1981, 17th ICRC (Paris), 2, 265.

Ginzburg, V.L. and S.I. Syrovatskyi: 1964, "The Origin of Cosmic
Rays', (Pergamon Press).

Cowsik, R. and M.A. Lee: 1977, Ap. J. 216, 635; 1979 ibid. 228, 297.

Giler, M. et al.: 1980, Astron. Astrophys. 84, 44, -

Cowsik, R.: 1980, IAU Symp. No. 94, 93.

Taira, T. et al.: 1979, 16th ICRC (Kyoto), 1, 478,

Juliusson, E.: 1974, Ap. J. 191, 331,

Garcia-Munoz, M. et al.: 1979, 16th ICRC (Plovdiv), 1, 310.

Hagen, F.A., A.J., Fisher and J.F. Ormes: 1977, Ap. J. 212, 262,

Protheroe, R.J., J.F, Ormes and G.M. Comstock' 1981, Ap. J. 247, 362,

Ormes, J.F. and R.J. Protheroe: 1981, 17th ICRC (Parls), 2, 31,

Hayakawa, S.: 1969, "Cosmic Ray Phy51cs", (Wiley, N.Y.), 551

Sitte, K.: 1979, 16th ICRC (Kyoto), 2, 168.

Cowsik, R.: 1980, Ap. J. 241, 1195,

Fransen, C. and R 1. Epstein: 1980, Ap. J. 242, 411,

Raisbeck, G.M.: 1979, 16th ICRC (Kyoto), 14, 14 146

orth, C.D. et al.: 1978, Ap. J. 226, 1147,

Protheroe, R.J. and J.F. Ormes: 1980 IAU Symp. No. 94, 107.

Garcia-Munoz, M. et al.: 1977, Ap. J. 217, 859.

Webber, W.R. and J. Kish: 1979 16th ICRC (Kyoto), 1, 389.

Garcia-Munoz, M. et al.: 1981, 17th ICRC (Paris), 2 72

Burton, W.B. and H.S. LlSZt' 1980, IAU Symp. No. 94 227.

Haslam, C.G.T. et al.: 1980, IAU Symp. No. 94, 217.

Scarsi, L. et al.: 1980, IAU Symp. No., 94, 279.

Wolfendale, A.W.: 1980, IAU Symp. No. 94, 309.

Kearsey, S. et al.: 1980, IAU Symp. No. 94, 223.

Issa, M.R, et al.: 1981, J. Phys. G. Nucl. Phys. 7, 973.

Forman, M.A. and 0.A. Schaeffer: 1979, Rev. Geo. Sp. Phys. 17, 552,

Somayajulu, B.L.K.: 1977, Geochim, et Cosmochim., Acta 41, 909.

Eichler, D.: 1980, Ap. J. 237, 809,

Cox, D.P. and B.W. Smith: 1974 Ap. J. 189, L105.

McCray, L. and T.P. Snow: 1979, Ann Rev. Astron. Astrophys. 17, 213,

McKee, C.F.: 1981, 17th ICRC (Parls), in press,

Cowie, L.L. et al.: 1981, Ap. J. 247, 908,

Tamman, G.: 1974, “Supernovae and Su Supernova Remnants", (Reidel), 155.

© IUPAP ¢ Provided by the NASA Astrophysics Data System



.12..155A

19811 CRC. .

120)
121)
122)
123)
124)
125)
126)
127)
128)
129)
130)
131)
132)
133)
134)
135)
136)
137)
138)
139)
140)
141)
142)

143)°

144)
145)
146)
147)
148)
149)
150)
151)
152)
153)
154)
155)

156)
157)
158)
159)
160)
161)
162)
163)
164)
165)
166)
167)
168)
169)
170)
171)

- 202 -

Cassé, M. and J.A. Paul: 1980, Ap. J. 237, 236.

Biermann, L.: 1948, Z. Astrophy31k 25, 161.

Parker, E.N.: 1958, Phys. Rev. 109, 1328.

Alexeyev, I.I. and A.P. Kropotkin: 1970, Geomag. Aeron. 10, 755.

Sarris, E.T. and J.A. Van Allen: 1974, JGR 79, 4157, —

Pesses, M.E.: 1981, JGR 86, 150. —

Chlrkov, A.G. et a1.. 1981, 17th ICRC (Paris), 3, 500.

Alexeyev, I. et al.: 1970, Is. Ak. Nauk. SSSR, Sov. Phys. 34, 2318,

Vasil'yev, V.N. et al.: 1978 Proc. 9th Leningrad Semlnar,-739

Chen, G. and T.P. Armstrong: 1975, 14th ICRC (Munich), 5, 1814,

Terasawa, T.: 1979, Planet. Sp. Sci. 27, 193 and 365.

Quenby, J.A. and S. Webb: 1973, 13th TE?C (Denver), 2, 1343.

Decker, R.B.: 1981, JGR 86, 4537. -

Pesses, M.E.: 1979, 16th ICRC (Kyoto), 2, 18.

Sonnerup, B.U.0.: 1969 JGR 74, 1301.

Scholer, M. et al.: 1980 JGR 85 4602,

Greenstadt, E.W. et al.: 1980, JGR 85, 2124,

Krimsky, G.F. et al.: 1979, 16th ICRC (Kyoto), 2, 39.

Yelshin, V.K. et al.: 1979, Geomag. Aeron. 19, 533.

Peacock, J.E.: 1981, MNRAS 196, 135.

Michel, C.F.: 1981, Ap. J. 247 664,

Chandrasekhar, S.: 1943, Rev, Mod. Phys. 15, 1.

Jokipii, J.R.: 1971, Rev. Geophys. 9, 27,

Gleeson, L.J. and W.I. Axford: 1968, Astrophys. Sp. Sci. 2, 431,

Forman, M.A.: 1970, Planet. Sp. Sci. 18, 25.

Webb, G.M.: 1981, in preparation.

Forman, M.A.: 1981, 17th ICRC (Paris), 3, 467.

Fisk, L.A.: 1971, JGR 76 1662,

VaS11 yev, V.N. et al,z 1980 Cosmic Res. 18, no. 3.

Forman, M.A. and G. Morfill: 1979, 16th ICRC (Kyoto), 5, 328.

Bulanov, S.V. and V.A. Dogiel: 1979, 16th ICRC (Kyoto), 2, 70.

Bulanov, S.V. and V.A. Dogiel: 1979, Sov. Ast. Lett. 5, 278

V6lk, H.J. et al.: 1979, 16th ICRC (Kyoto) 2, 38a.

V6lk, H.J. et al.: 1980, IAU Symp. No. 94, 359

Vslk, H.J. et al.: 1981, Ap. J., in press.

Kaplan, S.A. and S.B, Pikelner: 1970, "The Interstellar Medium",
(Harvard, U.P.), 244-247,

Forman, M.A.: 1981, Adv. Space Res. 1, 97.

Krimsky, G.F. et al.: 1979, 16th ICRC (Kyoto), 2, 75.

Tverskoy, B.A.: 1967, JETP 53, 1417.

Tverskoy, B.A.: 1969, Proc. 1st Leningrad Seminar, 159,

Tverskoy, B.A.: 1971, Proc. 2nd Leningrad Seminar, 7.

Webb, G.M.: 1981, in preparation.

Fisk, L.A. and M.A. Lee: 1980, Ap. J. 237, 620.

Krimsky, G.F. et al.: 1979, 16th TCRC Tfibto), 2, 44,

Axford, W.L.: 1972, "Solar W1nd", NASA SP-308, 609.

V6lk, H. and M. Forman: 1981, Ap. J., in press; 17th ICRC (Paris).

Petukhov, S.I. et al.: 1981, 17th ICRC (Paris), 3, 460,

Webb, G.M. et al.: 1981, 17th ICRC (Paris), 2, 309

Forman, M.A. et al.: 1981, 17th ICRC (Paris), 2, 313.

Webb, G.M. et al.: 1981, AstrOphys. Sp. Sci., submltted

Cowsik, R. and M.A. Lee° 1981, 17th ICRC (Paris), 2 318.

Cassé, M., and J.A. Paul: 1979, 16th ICRC (Kyoto), 2, 103.

© IUPAP ¢ Provided by the NASA Astrophysics Data System



.12..155A

19811 CRC. .

172)
173)
174)
175)

176)
177)
178)
179)
180)
181)
182)
183)
184)
185)
186)
187)
188)
189)
190)
191)
192)
193)
194)
195)
196)
197)
198)
199)
200)
201)
202)
203)
204)
205)
206)
207)
208)
209)
210)

211)
212)
213)
214)
215)
216)
217)

- 203 -

Montmerle, T.: 1979, Ap. J. 231, 95.

Katafos, M. et al,: 1981, 17th ICRC (Paris), 2, 348,

Lee, M.A. and L.A. Fisk: 1981, 17th ICRC (Paris), 3, 405,

Courant, R. and K.O., Friedrichs: 1948, "Supersonic Flow and Shock
Waves'", (Interscience).

Bykov, A.M. and I.N. Toptygin: 1979, 16th ICRC (Kyoto), 3, 66,

Bykov, A.M. and I.N. Toptygin: 1981, 17th ICRC (Par1s), 2 331,

Garcia-Munoz, M. et al.: 1981, 17th ICRC (Paris), in press.

Gaisser, T.K. et al.: 1980, IAU Symp. No. 94, 257.

Szabelski, J. et al,: 1980, IAU Symp. No. 94, 259; Nature 285, 386.

Tan, L.C. and L.K. Ng: 1981 17th ICRC (Parls) 2, 210,

Buffington, A. and S.M. Schlndler. 1981, Ap. J. Eﬁl, L105.

Krimsky, G.F. and S.I. Petukhov: 1981, 17th ICRC (Paris), 3, 503,

Jokipii, J.R.: 1977, 15th ICRC (Plovdiv), 1, 429. -

V6lk, H.J.: 1981, in preparation.

Lee, M.A. and H.J. V6lk: 1973, Astrophys. Sp. Sci. 24, 31.

Cesarsky, C.J.: 1980, Ann. Rev. Astron. Astrophys. 18 289.

McKenzie, J.F. et al.. 1981, in preparation,

Morrison, P.J. et al.: 1980, NASA-TM 82032,

Zweibel, E.: 1979, AIP Conf. No. 56 (La Jolla).

Eichler, D.: 1979, Ap. J. 229, 419,

Eichler, D. and K. Heinebach: 1981, preprint.

Ellison, D.C. et al.: 1981, J. Geophys., in press.

Krimsky, G.F.: 1980, Eur, CRC (Leningrad), in press.

McKenzie, J.F. and K.D. Westphal: 1968, Phys. Fluids 11, 2350,

McKenzie, J.F. and K.D, Westphal: 1969, Planet. Sp. Sc1. 17, 1029,

McKenzie, J.F. and M. Bornmatici: 1974, JGR 79, 4589.

Scholer, M. and J.W. Belcher: 1971, Solar Phys. 16, 472,

Chao, J.K. and B. Goldstein: 1972, JGR 75, 6394.

McKenzie, J.F. et al.: 1981, Astrophys. Sp. Sci., submitted.

Drury, L.O'C. and H.J. V6lk: 1980, IAU Symp. No. 94, 363.

Drury, L.0'C. and H.J. V6lk: 1981, Ap. J. 248, 344, )

Drury, L.0'C. et al,: 1981, 17th ICRC (Paris), 2, 327.

Drury, L.0'C. et al.: 1981, MNRAS, in press.

Achterburg, A. and C.,A, Norman: 1980, unpublished report.

Webb, G.M. and W.I. Axford: 1981, in preparation.

Blandford, R.: 1980, Ap. J. 238, 410,

Achterburg, A.: 1981, Astron. Astrophys. 98, 195.

Meyer, J.P.: 1981, 17th ICRC (Paris), 2, 265.

Axford, W.I.: 1977, "Study of Travelling Interplanetary Phenomena',
(Reidel), 145.

Achterburg, A. and C.A. Norman: 1980, Astron. Astrophys. 89, 353.

Lee, M.A. and L.A. Fisk: 1981, 17th ICRC (Paris), 3, 405,

Woo, R. and J.W. Armstrong: 1981, Nature 292, 608.

Gloeckler, G. et al.: 1981, 17th ICRC (Paris), 3, 136.

Webber, W.R.: 1973, 13th ICRC (Denver), 5, 3499.

Grigorov, N.L. et al.: 1971, 12th ICRC (Hobart), 5, 1746.

Grigorov, N.L. et al.: 1971, 12th ICRC (Hobart), 5, 1760,

© IUPAP ¢ Provided by the NASA Astrophysics Data System



